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Abstract
Solar magnetohydrodynamic (MHD) waves have been studied extensively in the past decades.
They have been known to be the result of many interesting and observable phenomena in the
solar atmosphere, such as umbral flashes and running penumbral waves, seen in sunspots’ chro-
mosphere. The MHD waves are thought to be one of the prime means of transporting energy
through the solar atmosphere. For this reason, scientists have theorized that waves could be an
explanation for one of the most important unsolved question about the Sun, the heating of the
outer solar atmosphere. Theoretically, since the gas density decreases outward from the sur-
face, the temperature should also have an equivalent trend. However, in the solar atmosphere,
the temperature (after a decrease in the photosphere) increases outward, first shallowly, then
exponentially. Many causes of this unique problem have been debated, one of which has been
the solar MHD waves.

This thesis investigates oscillations and waves in a sunspot’s atmosphere using high spatial
and temporal-resolution images obtained with the Swedish 1-m Solar Telescope (SST). Several
atmospheric layers are sampled by spectropolarimetric observations at various wavelength po-
sitions of Hα 656.3 nm and Ca ii 854.2 nm spectral lines. These correspond to several heights
between the low photosphere and the high chromosphere of the Sun. This thesis aims to show
how waves of different frequency propagate through the sunspot’s atmosphere. The data set
obtained by SST in this report is particularly interesting to the study of waves in sunspots due
to its high spatial and temporal resolution. Spatial resolution has been shown to be directly
correlated with wave power (Wedemeyer-Bohm and Woger 2007). A relatively low resolution
data, employed in many of previous studies, have difficulty resolving high-frequency waves of
diverse phases. As a result, high frequency waves become washed out in Doppler and intens-
ity oscillations in low spatial-resolution observations and the corresponding power becomes
suppressed. Low temporal resolution also limits the detection of high frequency oscillations
because they are limited by the Nyquist frequency. Our data set with a 20-second cadence
and high spatial (and spectral) resolution, is of great importance to detect higher frequency
waves. The SST observations were also recorded for ∼2.5 hours, which makes them addi-
tionally unique since the longer a time-series is, the higher frequency resolution is obtained.
Although many wave studies have already been conducted in sunspots, the data set used in this
thesis are unique in their clarity and produced high quality images to be analyzed.

In Chapter 1, we have reviewed some background physics related to the Sun as well as
the structures and phenomena we studied in the thesis. The employed data and methods are
briefly described in Chapters 2 and 3. We have detailed our analysis and results in Chapter 4
and finally, we have summarized our findings in Chapter 5, where some of our results are also
compared with those reported in the literature.



vi



Contents

Acknowledgments iii

Abstract v

1 Our Star, the Sun 1
1.1 The Solar Interior . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 2
1.2 The Solar Atmosphere . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 3
1.3 Solar Magnetism . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 4

1.3.1 Zeeman Effect . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 6
1.3.2 Stokes Parameters . . . . . . . . . . . . . . . . . . . . . . . . . . . . 7

1.4 Wave Theory . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 8
1.4.1 Magnetohydrodynamics . . . . . . . . . . . . . . . . . . . . . . . . . 8
1.4.2 MHD Waves . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 10
1.4.3 MHD Waves in thin flux-tubes . . . . . . . . . . . . . . . . . . . . . . 10

1.5 Sunspots . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 11
1.6 Sunspot Waves . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 15

1.6.1 Three- and Five-minutes Oscillations . . . . . . . . . . . . . . . . . . 16
1.6.2 Running Penumbral Waves (RPWs) . . . . . . . . . . . . . . . . . . . 17
1.6.3 Umbral Flashes . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 18

2 Observations 19
2.1 The Swedish 1-m Solar Telescope (SST) . . . . . . . . . . . . . . . . . . . . . 19

2.1.1 Telescope Tower and Turret . . . . . . . . . . . . . . . . . . . . . . . 20
2.1.2 Adaptive Optics (AO) . . . . . . . . . . . . . . . . . . . . . . . . . . 21
2.1.3 CRISP . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 23
2.1.4 Seeing . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 24
2.1.5 Observations and Data set . . . . . . . . . . . . . . . . . . . . . . . . 25
2.1.6 The Spectral Lines . . . . . . . . . . . . . . . . . . . . . . . . . . . . 27
2.1.7 MOMFBD . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 28

3 Methods 35
3.1 Wavelet Integration . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 35
3.2 Line of Sight Velocity . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 37
3.3 Wave Coherence . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 38



viii CONTENTS

3.3.1 Phase and Time Lag . . . . . . . . . . . . . . . . . . . . . . . . . . . 38
3.3.2 Phase Velocity . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 39

4 Analysis and Results 41
4.1 Powermaps and Dominant Periods . . . . . . . . . . . . . . . . . . . . . . . . 43

4.1.1 Intensity Oscillations . . . . . . . . . . . . . . . . . . . . . . . . . . . 43
4.1.2 Oscillations in Stokes Q, U, and V . . . . . . . . . . . . . . . . . . . . 51
4.1.3 Oscillations in Net Circular and Linear Polarization Signals . . . . . . 57
4.1.4 Line-of-Sight Velocity Oscillations . . . . . . . . . . . . . . . . . . . 62

4.2 Wave Coherence . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 68
4.2.1 Between Photospheric and Chromospheric Polarization-Signal Oscil-

lations . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 68
4.2.2 Between Intensity and CP Oscillations . . . . . . . . . . . . . . . . . . 69

4.3 Wave Propagation . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . . 70

5 Discussion and Conclusion 77

References 80





Chapter 1

Our Star, the Sun

The Sun is located an average of 1 AU (150 Million km) from the Earth. It is about 1.4 million
km in diameter with a mass of 2 × 1030 kg. In comparison, the Earth is only 5.972 × 1024 kg
with a diameter of 12,742 km, making the Sun over 100 times larger and over 3 × 105 times
more massive than the Earth. The Sun has been burning bright for about 4.6 billion years and
its main source of energy is nuclear fusion in its core, where hydrogen is converted to helium
due to an enormous gravitational force and incredibly high temperatures of approximately 15
million Kelvin (Stix 2012).

Figure 1.1: Illustration of the different layers of the Sun. In the solar interior, there is the core,
the radiative zone, and the convection zone. The solar atmosphere consists of the photosphere,
chromosphere, transition region, and corona. This figure also points out some magnetic fea-
tures such as sunspots, flares, and prominences as well as other structures such as coronal holes
and subsurface flows. Image courtesy of NASA.
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1.1 The Solar Interior

The solar interior consists of different zones starting at the center of the Sun (Stix 2012). The
core, which ranges from Rsun = 0 − 0.25 is where the energy of the Sun is made. Fusion
processes dominate in this region and the temperature is a scolding 15 million Kelvin. An
enormous gravitational force, temperature, and density create the perfect environment for fu-
sion to occur. In the Sun this reaction is called the proton-proton (p-p) chain and is described
by four hydrogen nuclei (protons) fusing and forming one single helium-4 core. Each p-p chain
releases a tremendous amount of energy which heats the Sun (Priest 2014). Most of the en-
ergy is then released through the radiative zone. The radiative zone is approximately located at
Rsun = 0.25 − 0.7 and the temperature (at approximately 5 million Kelvin) is cooler compared
to that in the core area. In this region, the energy is transported through radiation, however due
to scattering and collisions, the mean free path of photons trying to escape is very small and it
could take millions of years for one single photon to escape into space (Stix 2012). Following
the radiative zone is a thin layer called the tachocline, where the solar dynamo is thought to
originate. This will be further discussed in sections 1.3. From Rsun = 0.7 to the solar surface,
convection dominates and the temperature drops from around 2 million Kelvin to about 5800
Kelvin at the visible surface, i.e., where optical depth (τ) at 500 nm becomes unity. Convec-
tion occurs when a temperature gradient of gas parcels at the bottom of the convection zone is
significant, which allows it to rise to the surface. The temperature gradient must be larger than
the adiabatic condition in order for a convectively unstable situation to occur. This is referred
to as the Scwarzchild criterion and is defined as (Rutten et al. 1999)

∇ < ∇ad (1.1)

where

∇ =
d ln T
d ln P

, ∇ad = (
d ln T
d ln P

)ad, (1.2)

T and P are the temperature and pressure of the plasma, respectively. ∇ is the the temperature
gradient of the plasma and ∇ad is the adiabatic temperature gradient.

As the gas parcels rise, in order to maintain pressure balance, they will expand, cool and
sink back down until an equilibrium is achieved. The momentum of rising parcels is large and
forces them to overshoot the solar surface by about 100-400 km (Rutten et al. 1999). As a result,
we see cell-like patterns on the solar surface as “granules”. At deeper regions, large networks
of granules merge together and form mesogranules and supergranules, of which, the former is
not directly obvious in observations, but simulations confirm their existence (Stein et al. 2006;
Rieutord et al. 2002). The convection zone plays an important role in the formation of magnetic
activity of the Sun by transporting magnetic fields from the depths of the convection zone to
the solar surface.
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Figure 1.2: Temperature stratification through the solar atmosphere from a 1D model atmo-
sphere. The right side of the figure is height 0 km and increases to the left through the transition
region and corona. The temperature minimum seen at 500 km is in upper bound of the pho-
tosphere. This figure also indicates approximate formation heights for different spectral lines
(Courtesy of Vernazza et al. 1981).

1.2 The Solar Atmosphere

The photosphere is the first layer of the solar atmosphere above the solar surface and is where
most of the emitted light originates (Foukal 2013). Just above the surface, the photosphere has,
on average, a temperature of approximately 5800 Kelvin. Figure 1.2 shows the temperature
stratification of the solar atmosphere (in a simplified, 1D model atmosphere) as well as the
approximate wavelength ranges, with which various parts of the atmosphere can be sampled
(Vernazza et al. 1981). Here, the black line shows the temperature changes with height, begin-
ning at the solar surface on the right hand side. The mean gas density is given on the bottom
axis. We see that the temperature and density decrease from the solar surface to about 500 km
where a temperature minimum occurs. From here, the temperature increases once more in the
chromosphere where the temperature ranges, on average, from 4500 Kelvin to 10,000 Kelvin
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in about 1500 km. Figure 1.3 shows two sample images, representing two heights sampled in
the photosphere and chromosphere. It is apparent that the chromosphere is filled with fibrillar
structures, whereas the photosphere represents the granules and magnetic structures, such as
the sunspot and small, bright magnetic concentrations. The temperature begins to spike with
the exponential decrease in both the gas pressure and gas density. The next layer is the trans-
ition region where the temperature spikes to over a million Kelvin. The outermost region of the
solar atmosphere is the corona which is highly ionized due to its high temperatures that exceeds
a few million Kelvin (Foukal 2013). The relationship between gas density, pressure and tem-
perature in the solar atmosphere is counter-intuitive, since we know that if the gas density and
pressure decrease, the temperature must have the same relation. This phenomenon has baffled
scientists since its discovery and the reason has yet to be discovered.
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Figure 1.3: Two sample images, representing heights corresponding to the solar photphsere
(left; Hα line-core minus 120 pm) and the solar chromosphere (right; Hα line-core). The
images were obtained from SST observations of Hα line in photospheric and chromospheric
spectral positions. Comparing the left and right images show different features of the same
target at two heights of the the solar atmosphere.

1.3 Solar Magnetism

Information in this section was obtained from the textbook “Stellar and Solar Magnetism”
(Rutten et al. 1999) and from Zwaan 1985.

The global solar magnetic field is believed to be generated by a magnetic dynamo at the
bottom of the convection zone, i.e., at the tachocline, a thin layer deep in the solar interior in
between the radiative and convective zones. Above the tachocline, a relatively high temperature
and density create a conductive environment forcing the magnetic field lines to be frozen in to
the surrounding plasma. The sun’s differential rotation drags the frozen field lines in an East-
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West direction and form bands of activity called toroidal fields in either hemispheres. Buoyant
field lines rise in the convection zone along the toroidal fields, which is often referred to as the
Ω-effect.

Throughout history, astronomers have observed and documented cyclical activity on the
surface of the Sun. Observations of the frequency and location of active regions have supported
the existence of the solar dynamo.

Advection of the field lines due to convection forms active regions along bands of activity
which range form ∼ ±35◦ at the beginning of the solar cycle to ∼ ±5◦ at the end of the cycle.
Figure 1.4 shows the location and duration of sunspots in solar cycles from 1880 to 2010 and
one can clearly see a pattern that activity begins at a higher latitude and moves towards the
equator throughout the solar cycle (Solanki 2003). This is a result of the Sun’s differential rota-
tion, and flux emerging along toroidal fields. Additionally, the the ordering of positive/negative
polarities in sunspot pairs differ from northern and southern hemisphere for each cycle. This is
referred to as Hale’s Polarity Law (Hale and Nicholson 1925). One can also deduce from these
observations that sunspots along toroidal fields also obey Joy’s Law (Hale et al. 1919), which
states that the tilt of the leading and following sunspots will be inclined towards the equator as
is evident in the butterfly diagram. Once the sunspots reach close to the equator at the end of the
solar cycle, the polarity switches and begins again from the higher latitude. In addition to the
global solar dynamo, localized dynamo action is frequent and is located on or just beneath the
surface and is caused by turbulence fromm convection. The local-dynamo process is thought
to be responsible for creation of small-scale field structures on the solar surface (Cattaneo et al.
2003).

When introducing flux emergence, it is vital to discuss the role of convection (Stein 2012).
When convection occurs, small-scale flux tubes (i.e., bundles of magnetic-field lines) are car-
ried up to the surface by magnetic buoyancy and pushed to the intergranular lanes by the hori-
zontal convective flows at, or close to, the solar surface. The field lines are collected and con-
centrated at the outer boundaries of granules, leaving the center of the convection cell nearly
field free. Advection alone does not enhance the field strength enough to, e.g., cause excess
brightness in small-scale magnetic elements in intergranular lanes. In these cases, convective
collapse must occur. Once the field lines concentrate at the cell boundaries, the regions suffer
from radiative losses due to a lack of heating from convection, and the region will subsequently
cool. The material inside also cools down, becomes more dense and begins to flow downward.
When the cool material sinks, a pressure imbalance occurs higher up and down-flow mater-
ial causes the field to concentrate and enhance significantly. Once a new pressure balance is
restored, the field strength is likely to have been enhanced by approximately a factor of 10,
i.e., forming a kG filed concentration. In small scales, such magnetic elements are observed
as bright features/points. In order for active regions (such as pores and sunspots; large-scale
magnetic structures), this process must occur many times. Beneath the solar surface, a hier-
archy of up-flowing field lines is established. The strongest, most buoyant field lines will be
able to reach the surface first, where as smaller flux concentrations are suppressed by down-
flows form convection. This is observable on the solar surface during the beginning stages of
active-region formation as a salt and pepper distribution on a magnetogram. Field lines being
kept down by downflows will be pinched off and reconnect forming a field line of one polarity.
Like-polairties will collect in this way and begin to form bipolar regions that will eventually
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Figure 1.4: Upper Panel: Butterfly diagram of the location of active regions from 1870 to
2010 where the vertical axis is solar latitude and the horizontal axis is time. Bottom Panel:
percentage of averaged daily sunspot area that covers the solar surface (from Solanki 2003).

become strong enough to become a sunspot (or a pore) (Stein 2012). Sunspots are interesting
magnetic structures on the solar surface and have been one of the cornerstones of solar physics
research since their discovery.

1.3.1 Zeeman Effect

The magnetic field in sunspots was first discovered by Hale (Hale 1908) when observed spec-
tral lines were split into multiple peaks at the position of these features. This process is referred
to as the Zeeman splitting. The observed splitting of spectral lines is caused by the interaction
of atoms in the solar atmosphere with the magnetic field which causes splitting of the atomic
energy levels and consequently, the electromagnetic spectrum. Equation 1.3 shows that the de-
gree of splitting, ∆λH , is directly proportional to the full magnetic field vector, B(B, γ, φ) (field
strength, inclination, and azimuth angle, respectively), the landé factor, g, which is dependent
on relative quantum numbers, and the wavelength, λ (ZEEMAN 1897,Borrero and Ichimoto
2011).

∆λH = k g B λ2 (1.3)

Observing the Zeeman effect in magnetically-sensitive spectral lines has proven to be a
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reliable method of inferring magnetic field strength and properties, particularly in the solar
photosphere. Splitting of the atomic energy levels leaves a distinct polarization signal on the
spectral lines that can be studied, and will be discussed in the next section.

1.3.2 Stokes Parameters

Stokes parameters describe polarization state of electromagnetic radiation, i.e., the direction
with which the electromagnetic light is vibrating. The Stokes parameters are denoted by I, Q,
U, and V indicating the intensity transmitted by certain polarization states. Stokes I represents
the total intensity, Stokes Q is the linearly polarized light at χ = 0◦ (i.e., the angle between
the electric vector of the linearly polarized radiation, Ilin, and a reference direction) minus the
intensity of linearly polarized light at 135◦. Stokes U is the intensity of linearly polarized light
at 45◦ minus the intensity of linearly polarized light at 135◦. Finally, Stokes V is the difference
between the intensity of circularly polarized light in clockwise and counterclockwise directions
(Rutten et al. 1999). Thus, the Stokes I, Q, U, and V can be described as

I2 = Q2 + U2 + V2,

Q = Ilin(χ = 0) − Ilin(χ = π/2),

U = Ilin(χ = π/4) − Ilin(χ = 3π/4),

V = Icirc(right) − Icirc(le f t)

(1.4)

Figure 1.5 illustrates particular scenarios where Stokes I is equal to only one of the either
Stokes Q, U, or V .

Figure 1.5: Particular cases for Stokes parameters as described in equation 1.4. Image courtesy
of Dan Moulton.

In the case of little magnetism, Stokes Q, U, and V are represented by straight lines at 0
(i.e., no signal is measured). Each will become asymmetric about 0 in the presence of stronger
magnetic field, the degree of which will indicate characteristic of the magnetic field vector,
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B(B, γ, φ). When strictly dealing with vertical fields, only Stokes I and V will be affected.
In the presence of inclination (γ) and/or azimuthal (φ) angles, all Stokes I, Q, U, and V are
introduced (Borrero and Ichimoto 2011). The degree of increase in any quantity of the magnetic
field vector will change the shape of the Stokes profiles, giving key insight to the magnetic
properties of the observed region. Stokes profiles can be obtained from any observation that
employs polarimetry (i.e., when polarization is measured for a magnetically sensitive line) and
are a useful tool to infer the magnetic field vector.

1.4 Wave Theory

1.4.1 Magnetohydrodynamics

Magnetohydrodynamics (MHD) describes the behavior of an electrically conducting fluid/plasma
in the presence of a magnetic field. In the case of the Sun, the incredibly high temperatures
force ionization which produces electrical currents. This section defines useful equations used
to study the magnetic properties of plasma in MHD. All information in this section was ob-
tained from the textbook “Stellar and Solar Magnetism” (Rutten et al. 1999).

Electromagnetism is best explained by the Maxwell’s equations listed in Equations 1.5
to 1.8. Equation 1.5 is Faraday’s Law and states that a time dependent magnetic field, B, is
accompanied by a specially dependent electric field, B,. Ampere’s law (Equation 1.6) shows
that a magnetic field is dependent on current; µ is the magnetic permeability, and J is the
electric current density. Gauss’ law (Equation 1.7) is the divergence of the electric field, where
σ is the charge density. Under the assumption that the divergence of the current density is zero,
i.e., ∇ · J = 0, electric currents are closed loops and no charge can build up. Equation 1.7 then
becomes ∇·E = 0. Equation 1.8 is a constraint stating that the divergence of the magnetic field
is zero, meaning that there can be no magnetic monopoles.

∇ × E = −
∂B
∂t

(1.5)

∇ × B = µJ (1.6)

∇ · E = 4πσ (1.7)

∇ · B = 0 (1.8)

Combining the Ohm’s law (Equation 1.9; c is the speed of light) and the Faraday’s law
(Equation 1.5) yields an induction equation shown in Equation 1.10. This equation describes
how the magnetic field is changing with time as a result of diffusion and convection. We
begin with a non-relativistic assumption (υ << c, γ = 1) and criterion for an ideal plasma
(σ = ∞, E ∼ (υ/c)B). The first term in Equation 1.10 is the diffusion term, where η =

c2/(4πσ) is the magnetic diffusivity and σ is the conductivity. These terms together describe
how the magnetic field is diffusing with time. In a low conductivity case, where υ = 0 and
σ , 0, magnetic field lines will diffuse away or annihilate. The second term in the induction



1.4 Wave Theory 9

equation describes how the magnetic field is changing in time due to convection. Performing
a mathematical expansion gives three distinct terms seen in Equation 1.11 each with a unique
effect of convection. The first term in Equation 1.11 describes compression and expansion, the
second is the effect of sheering and stretching, and the third is the effect of advection of field
lines. In a highly conductive case, as for an ideal plasma (i.e., where σ = ∞; η = 0), the flux
is conserved (dφ/dt = 0) implying that the field lines are frozen into the plasma as in the case
in the convection zone. As a result, the field lines may be dragged, pushed and advected to the
solar surface.

J = σ(E)′ = σ(E +
υ

c
× B) (1.9)

∂B
∂t

= η∇2B + ∇ × (υ × B) (1.10)

∇ × (U × B) = −B∇ · U + (B · ∇)U − (U · ∇)B (1.11)

Rm = vL/η (1.12)

Comparing the two terms in the induction equation is made useful by the Reynolds number,
Rm (Equation 1.12), which is a ratio of convection and induction. L and υ are respectively the
length and velocity scales of the flow, and η is the magnetic diffusivity. If Rm >> 1 convection
dominates, such as in the solar interior and sunspot umbra, and if Rm << 1 then there is a weak
coupling case and diffusion dominates. Further equations to explain the behavior of fluid in
MHD include the mass conservation, presented in Equation 1.13, where u is the flow velocity
and ρ is the plasma density. This equation describes that mass is not created or destroyed.
The equation of motion is shown in 1.14, where ∇p is the gas pressure gradient and J × B is
the Lorentz force defined in Equation 1.15. In the latter equation, the two terms represent the
effects of magnetic tension and magnetic pressure, respectively.

∂ρ

∂t
= −∇ · (ρu) (1.13)

ρ
∂U
∂t

= −∇p + J × B (1.14)

J × B = (∇ × B) × B/µ = (B · ∇)
B
µ
− ∇(

B2

2µ
) (1.15)

Magnetohydrodynamics become especially relevant when discussing regions of strong mag-
netic fields, such as in sunspots. The interaction between magnetic field and plasma becomes
interesting in these cases due to the influence of flows and the excitation of magneto-acoustic
(or MHD) waves.
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1.4.2 MHD Waves

This thesis investigates the intricacies of MHD waves. The three classifications of MHD waves
that propagate in the magnetized solar atmosphere (in a relatively thick flux-tube) are slow
mode, fast mode, and Alfvén waves, according to their speeds in respect to the ratio VA/Cs,
where VA and Cs are Alfvén and sound speeds, respectively (Priest 2014).

Slow magneto-acoustic waves are compressible, low frequency modes, propagated (ap-
proximately) along the field lines. These waves propagate as a result of perturbations in the
plasma and the magnetic field. They are referred to as slow modes because they propagate at
speeds smaller than the speed of sound. However, as the atmospheric density decreases with
height, slow waves may steepen and form shock fronts in the upper solar atmosphere. Fast
modes are high frequency compressible magneto-acoustic waves that can propagate parallel or
perpendicular to a magnetic field (i.e., their propagation has an isotropic behavior). The phase
velocity for fast mode waves is then Vph2 = C2

s + V2
A for perpendicular propagation (θ = π/2)

and ±Cs or ±VA for parallel propagation, the larger of which represents the speed of the fast
mode (Priest 2014).

Alfvén waves are incompressible magnetic waves which propagate at the Alfvén speed,
VA = B/

√
4πρm. Much like tension on a string, magnetic tension acts to straighten the curved

flux tube by accelerating the plasma in opposition to ion inertia. The phase velocity is Vph =

ω/k = VAcosθk̂ and the group velocity is Vg = ∂ω/∂k. Therefore, the phase velocity of Alfvén
waves is highly dependent on inclination angle, θ. For example, for a vertical magnetic field
with θ = 0 the wave propagates at the Alfvén speed, Vph = VA, and decreases with increased
inclination angle (Cravens 1997).

In a magnetized fluid, three types of wave modes are particularly relevant along thin flux
tubes. The thin flux-tube waves include: torsional (Alfvén) waves, transverse (kink mode)
waves and longitudinal (sausage mode) waves depicted respectively in figure 1.6. These waves
are excited by perturbations in flux tubes in magnetic environments such as sunspots.

1.4.3 MHD Waves in thin flux-tubes

The following bullet points describe wave characteristics of the three types of waves in thin
flux tubes and gives their propagation velocity. Each of these waves are illustrated in figure 1.6
respectively (Solanki 1993).

• Longitudinal (Sausage Mode) Waves: Longitudinal Sausage mode are compressible
magneto-acoustic waves, with gas and magnetic pressure gradients as a restoring force.
They propagate as a result of squeezing and stretching motions about the central axis of
the flux tube’s cross-section. The stretching and squeezing motion causes fluctuations
in the plasma pressure inside the flux tube and changes the spectral intensity (Morton
et al. 2012). Increasing the plasma pressure causes increases in intensity which aids in
observations of these waves. Sausage modes have a cutoff frequency of 5.5 mHz (∼ 3
minutes). The propagation velocity for a sausage-mode wave is given as tube speed, CT

(Rutten et al. 1999) (which is smaller than both sound and Alfvén speeds):
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CT =
Cs VA√
C2

s + V2
A

(1.16)

• Transverse (Kink) Waves: Transverse (kink) waves are incompressible with a restoring
force of magnetic curvature and magnetic buoyancy. They are excited as a result of
jolting and causing a displacement of the central axis of the flux tube (Morton et al.
2012). Unlike sausage waves, there is no change in plasma pressure, and therefore no
change in spectral intensity (in ideal cases). They have a cutoff frequency of ∼8 minutes.
The propagation velocity for a kink wave is given in equation 1.17 (Rutten et al. 1999),
where ρm and ρs are the gas density inside and outside the flux tube, respectively.

Ck =

√
ρm

ρm + ρs
VA < VA (1.17)

• Torsional (Alfvén) Waves: Torsional, Alfvén waves are excited as a result of twisting
flux tubes where the magnetic tension force is a restoring force. They propagate exactly
with the Alfvén speed, VA, and there is no cutoff frequency for this type of wave. Alfvén
waves are difficult to be observed because they cause no intensity variation, but can
cause some Doppler broadening due to changes in velocity. The propagation velocity for
a torsional wave is given by the Alfvén speed in equation 1.18 (Rutten et al. 1999).

VA = B/
√

4πρm (1.18)

We note that the above wave modes may still behave differently under different conditions
(e.g., with various azimuthal wavenumbers). They may also represent either fast or slow modes.

1.5 Sunspots

Observations of sunspots have been of a major interest in the field of solar physics since their
discovery. Observations of solar cycle, as described in section 1.3, and the discovery of sun-
spot’s magnetic field (Hale 1908) were crucial observations in the field. Since then, simulations
and observations have helped piece together some of the mysteries of stellar magnetism. This
section details the structure and dynamics of sunspots and their magnetic-fields properties.

At first glace, sunspots appear as dark regions on the solar disc, almost resembling holes
on the surface. In reality, this observation is quite accurate. Sunspots are regions of intense
magnetic field, with an average field strength of 2500 Gauss in their umbra and 700 Gauss in
their penumbra (Solanki 2003). The umbra is the inner most, darker region and the penumbra
is lighter (with a filamentary structure) and surrounds the umbra. The intense field strength
causes an increase in magnetic pressure and a decrease in gas pressure, which allows for light
to emerge from lower geometric heights. The dips in the solar surface associated with sunspots
is referred to as Wilson depression (Borrero and Ichimoto 2011).

Sunspots can form after flux tubes rise to the surface via convective up-flows, collect and
form bipolar regions, as discussed in section 1.3. The foot-points of an active region will start
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Figure 1.6: Illustration of three types of wave modes (see text) in a thin, cylindrical unstratified
flux tube (Solanki 1993).

to form as pores and eventually becoming large enough to develop into sunspots. Due to the
magnitude of the flux concentrations, convection is suppressed and heating of the flux tubes
from convection is limited. For this reason, sunspots appear darker in contrast to the bright
photosphere, because they are relatively cooler than their surroundings. Figure 1.7 shows the
relationship between magnetic field strength and temperature at τc = 1 in sunspots. Here, the
y-axis is field strength and the x-axis is temperature. The vertical dotted lines represent the
umbra-penumbra and penumbra-quite sun boundaries. This figure shows that the relationship
between temperature and field strength are inversely proportional. Since the magnetic field in
the umbra is significantly higher than the penumbra, sunspots umbrae are much darker than
their penumbrae (Kopp and Rabin 1992; Mathew, S. K. et al. 2004). Convection is not entirely
suppressed in sunspot umbra and occasional bright flashes of convective modes make their way
through the flux tubes and appear as umbral dots. Umbral dot plumes may rise up in a field
free gap in below the umbra and appear bright in contrast to the dark umbra because the tem-
perature is higher (so is the density). They rise as oscillatory convective modes, expand, cool
and the narrow field-free gaps will be filled with overturning convection. Once the stratifica-
tion is stable, overturning convection stops and the field-free gap closes again (Rempel 2011;
Schüssler and Vögler 2006).

As previously mentioned, the average field strength of a regular sunspot is approximately
2000–3500 Gauss in a sunspot’s umbra and 700–1000 Gauss in the penumbra. The radial
gradient of magnetic field strength has been found to range from |∂B/∂r| = 2.5 − 3 G km−1 in
the outer umbra, |∂B/∂r| = 2−3 G km−1 in the inner penumbra and drops to |∂B/∂r| = 1 G km−1

in the outer penumbra (Balthasar and Schmidt 1993; Schmidt and Balthasar 1994; Bruls et al.



1.5 Sunspots 13

Figure 1.7: Scatter plot of field strength vs. temperature at τc = 1. The dashed vertical lines
represent the umbra-penumbra and penumbra-quite sun boundaries, respectively (Mathew, S.
K. et al. 2004).

1995). The magnetic field strength does not solely vary with radial distance from the umbral
barycenter, it also varies with height in the solar atmosphere. The field strength is strongest in
the photosphere and decreases upward for both the umbra and penumbra. In the photosphere
at |∂B/∂z| = 1 − 3 G km−1. Then over a height range of 2000 km, the field strength, on
average, decreases to approximately |∂B/∂z| = 0.3 − 0.6 G km−1 (Solanki 2003). The decrease
in magnetic field strength with height has much to do with the decrease in gas pressure and
“fanning out” of magnetic field lines, where the field strength decreases to compensate for the
pressure imbalance.

The magnetic structure of a sunspot can be seen in figure 1.8 with almost vertical magnetic
field in the umbra (∼ 10◦ inclination angle, on average) and a horizontal field in the penumbra
(∼ 80◦ in the outer penumbra). The magnetic field becomes more and more inclined and the
field strength weakens moving radially outward (Borrero and Ichimoto 2011). The penumbra
fine structure is constructed of mostly horizontal filaments, with vertical filaments intertwined.
In observations, bright filaments are predominately more vertical and extend beyond the pen-
umbra and form a magnetic canopy. As a result of an exponential decrease in gas pressure,
the magnetic structures in the upper chromosphere will expand and fill the entire volume. The
horizontal dark core filaments return to the outer edge of the penumbra submerge below the sur-
face due to convective motion outside the sunspot (Thomas and Weiss 2004). The horizontal
filaments harbor high velocity Evershed flows (Rempel 2011).

As we move outward in the solar atmosphere above a sunspot, the gas pressure decreases
rapidly. In order to conserve the pressure equilibrium, magnetic field strength must decrease
with decreasing gas pressure, and field lines will expand and dominate higher regions in the
solar atmosphere. The equation for pressure equilibrium 1.19 shows the relationship between
the magnetic (B2/8π) and gas (Pm) pressures inside a flux tube, and the gas pressure outside the
flux tube (Ps). This relationship can be quantified in terms of a plasma β which is a ratio of the
gas (plasma) pressure and the magnetic pressure, seen in equation 1.20. When β > 1 the plasma
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Figure 1.8: A cartoon illustrating magnetic structure of a sunspot. The center, representing
the umbra, shows nearly vertical magnetic fields. The raised area around the umbra represents
the penumbra and shows more horizontal fields with vertical fields intertwined. The horizontal
field is seen plunging back into the solar surface as a result of overturning convection (black
arrows) on the edge of the sunspot (Thomas and Weiss 2004; Bushby 2008).

pressure dominates, such as in the photosphere (outside strong magnetic-field concentrations).
When β < 1, the magnetic pressure dominates such as in the upper chromosphere where the
magnetic fields dominate over plasma. (Rutten et al. 1999).

B2
z

8π
+ Pm = Ps (1.19)

β =
8πP
B2 (1.20)

It is imperative to mention that the sound speed is affected by changes in the pressure
equilibrium in the solar atmosphere. The sound speed is defined as Cs =

√
γP/ρ, where P is

the gas pressure,γ is the the adiabatic index and ρ is the gas density. The sound speed changes
in varying plasma-β regimes. The plasma β is in relation to both the sound speed an the alfvén
speed with Cs/VA =

√
βγ (Diver 2011). In β > 1 environments, i.e where plasma pressure

dominates, the sound speed is greater than the Alfvén speed (Cs > VA). In regions where
β < 1, where magnetic pressure dominates, the Alfvén speed is greater than the sound speed
(Cs < VA). When β = 1, the sound speed is equivalent to the Alfvén speed (Cs = VA). This
means that wave speeds are highly dependent on magnetic environment and height in the solar
atmosphere. Consequently, the acoustic cutoff frequency of oscillatory modes also changes
with height because of this relation. In the quite sun, the acoustic cutoff frequency is defined as
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in equation 1.21 (Bel and Leroy 1977), where γ is the the adiabatic index, defined by γ = Cp/Cv

(ratio of specific heats, =5/3) (Mosser, B. 2015), g is the gravitational acceleration on the sun,
274 m/s2, and Cs is the speed of sound, which approximates 7 km/s in the chromosphere
(Yuan, D. et al. 2014). This shows that without the presence of a magnetic field, the acoustic
cutoff, which is defined as the period after which slow magnetic wave modes can not propagate,
is inversely dependent on the sound speed. This is not the case in low-β environments such as
in sunspots because of the presence of strong magnetic fields. In these cases, magnetic field
inclination plays a vital role. The acoustic cutoff frequency in a sunspot atmosphere is seen
in equation 1.22 (Bel and Leroy 1977). T0 is the acoustic cut off where φ = 0 and φ is the
inclination angle. We can see here that vertical magnetic fields, such as in a sunspot umbra,
have the same acoustic cutoff as in equation 1.21 (Yuan, D. et al. 2014). However, when
the magnetic inclination increases, the acoustic cutoff will decrease significantly which allows
higher period wave modes propagate.

T0 =
γg

4πCs
(1.21)

Tc f =
T0

cos φ
(1.22)

When studying the magnetic structure of sunspots, one must consider oscillatory modes
which propagate on magnetic field lines and how they adapt to their changing environments.
The next section will detail different types of magnetic waves which propagate in a sunspot’s
atmosphere.

1.6 Sunspot Waves

Oscillations of varying frequency have been recorded in sunspot atmospheres since their dis-
covery (Beckers and Tallant 1969). Observations of umbral flashes and running penumbral
waves indicate that a large amount of energy is required to initiate these events. The leading
theory on the driving mechanism for sunspot waves is the absorption of p-mode oscillations
as they cross the sunspot boundary (Braun et al. 1988). The p-mode, or acoustic waves, are
naturally occurring in the Sun and are caused by stochastic motions in the convection zone
where hot plasma is rising and cool plasma is falling producing disturbances in the material
above. Turbulent velocities result in waves which propagate as simple harmonic oscillators
(Goldreich and Keeley 1977). When p-mode oscillations reach a sunspot, about half of their
wave energy is absorbed and excites slow and fast mode magneto-acoustic waves. Wave con-
version in a sunspot begins when the sound speed approaches the Alfvén speed (Cs = VA, i.e.,
when plasma β = 1) (Braun et al. 1987). The following sections explain various oscillations in
sunspots. Observations of waves in sunspots have shown that 3 mHz (5 minute) waves peak in
the photosphere and 5 mHz (3 minute) waves peak in the chromosphere (Lites 1984; Bogdan
and Judge 2006). Other sunspot oscillations include chromospheric umbral flashes and running
penumbral waves (Bogdan et al. 1993; Braun et al. 1987; Bloomfield et al. 2007).
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1.6.1 Three- and Five-minutes Oscillations

Observations of intensity (and/or line-of-sight, LOS, velocity) oscillations have shown that 3
mHz (5 minute) waves peak in the photosphere of sunspots, similar to that of the quiet Sun,
and 5 mHz (3 minute) waves peak in the chromosphere. Although power is concentrated at the
3-minute oscillation in the chromosphere, their signals are also present in the photosphere but
are drowned out by the strength of the 5-minute oscillations (Bogdan and Judge 2006). Figure
1.9 shows the simultaneous LOS velocity power spectra from a sunspot umbra for photospheric
Fe I 630.25 nm (left) and chromospheric Ca iiH 396.85 nm (right). It is apparent that the peak
power in the left image is at the 5 minute period, and the peak power in the chromosphere is at 3
minutes. The observable 5-minute oscillations are known to be caused by acoustic oscillations
below the surface which are absorbed by the sunspot and are converted to fast and slow mode
waves. These modes will propagate upward until they are reflected at the acoustic cutoff in the
upper umbral photosphere. Not all of the wave mode is reflected down, as fast modes are able
to travel through the upper solar atmosphere until they are also reflected at the fast mode cutoff

frequency (ω = VAk) (Priest 2014). Both the slow and fast mode waves that are reflected down
will be reflected once again at the low photosphere. For this reason, the photosphere has a peak
period of 5 minutes but also has 3 minute modes present. Since 5 minute slow modes mostly
reflect at the acoustic cutoff frequency, they become of little importance to the chromosphere
which is dominated by 3 minute oscillations (Priest 2014). The high frequency chromospheric
oscillations exhibits higher velocities and are, according to some earlier studies, responsible for
various observable phenomena such as Running Penumbral Waves (1.6.2) and Umbral Flashes
(1.6.3) (Tziotziou, K. et al. 2006).

Figure 1.9: Simultaneous LOS velocity power-spectra from a sunspot umbra for photospheric
Fe I 630.25 nm line (left) and the chromospheric Ca iiH 396.85 nm line core (right) in units of
103 m2 s−2 mHz−1. This figure suggests that the peak power in the photosphere is at 5 minutes
and 3 minutes in the chromosphere. Chromospheric power is one order of magnitude larger
than in the photosphere (Bogdan and Judge 2006; Lites and Thomas 1985).
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1.6.2 Running Penumbral Waves (RPWs)

Running penumbral waves are outward propagating quasi-circular bands easily observable in
the Hα chromospheric penumbrae (Zirin and Stein 1972). RPWs are associated with the 3
minute chromospheric oscillations and are shown to decrease in dominant wave period radially
outward from the umbral barycenter. The definite cause of running penumbral waves is still
under debate, however, there are various theories to explain this phenomenon. Most notably,
the RPWs are considered as upward propagating waves. In this theory, the MHD waves are
propagated along the magnetic field lines, which become more inclined radially outward from
a sunspot center (Bloomfield et al. 2007). Figure 1.10 shows the propagation path of waves
beginning in the umbra (dark grids) and then extending in the penumbra (light grids) from
the photosphere to the chromosphere in time. The wave arrival time in the chromosphere are
highly dependent on inclination angle. A wave beginning in the photospheric penumbra will
exhibit a longer time delay than the umbra because the propagation length is longer along a
more inclined magnetic field. The dominant period of peak power decreases from 3 minutes
in the chromospheric umbra to higher period in the penumbra because the magnetic field is
becoming increasingly inclined, allowing the higher period wave modes to come through the
acoustic cutoff (Bloomfield et al. 2007). As mentioned in section 1.5, the acoustic cutoff in a
magnetic environment depends on the inclination of magnetic field. Thus, a region of inclined
field will allow waves of higher periods to propagate. In the past, RPWs have been difficult to
detect at lower atmospheric layers because of the increased noise of photospheric oscillations.
Recent studies have shown signatures of RPW’s in the photosphere which suggests that RPW’s
are in fact upward propagating magneto-acoustic waves which propagate along the magnetic
field lines (Jess et al. 2013; Löhner-Böttcher, J. and Bello González, N. 2015).

Figure 1.10: Pixel coupling between the photosphere and chromosphere for field-aligned,
upward-propagating waves. The dark grids indicate the umbral region and the light ones mark
the penumbra. The arrows represent the wave path in time (Bloomfield et al. 2007).

The RPWs have also been associated with umbral flashes, and have been thought to be
trans-sunspot oscillations caused by disturbances from these high energy events.
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1.6.3 Umbral Flashes

Umbral flashes are defined by sudden excess brightening caused by upward propagating magneto-
acoustic slow-mode waves guided by magnetic field lines, most observable in the chromo-
spheric umbra (de la Cruz Rodríguez, J. et al. 2013; Löhner-Böttcher, J. and Bello González,
N. 2015). As the magneto-acoustic wave propagates upward through the solar atmosphere,
the gas density drops significantly, allowing the wave to steepen into a shock. The result is
brightening of the chromospheric umbra caused by heating of the surrounding plasma from
compression of the shock front (Tian et al. 2014). These events typically have diameters of
2 Mm and propagate towards the penumbra with a speed of approximately 40 km/s (Priest
2014). Figure 1.11 shows the occurrence of an umbral flash at time 123 s in the data set used
in this thesis (see Chapter 2), where the brightening of the central part of the umbra is visible.
This type of oscillation is magnetic in nature, and affects the observed Stokes profiles of, e.g.,
Ca ii 854.2 nm seen in the right panel of figure 1.11. Here, the top-left panel is the Stokes I and
shows that at the location of the umbral flash (marked by a red cross in the left panel), we see an
emission profile (solid line) and moments after the umbral flash (dotted line) the profile returns
to a typical absorption spectra. This event lasted for about 80 seconds. Additionally, the Stokes
Q, U, and V are highly affected by this event due to the magnetic nature of the umbral flashes.
Most notably, Stokes V which produces a large deviation from zero. Therefore, these events
are highly magnetized and highly energetic. Umbral flashes have been thought to be a possible
explanation for running penumbral waves in sunspots because they produce enough energy to
initiate horizontally propagating waves across the sunspots (Tziotziou, K. et al. 2006).
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Figure 1.11: Left: an umbral flash event observed at time 123 s of the data set described in
Chapter 2. Right: the Stokes parameters associated with this event at the center of the umbral
flash (marked with the red cross in the left panel).



Chapter 2

Observations

Observations for this thesis were taken at the Swedish 1-m Solar Telescope (SST) located in
La Palma, Canary Islands, Spain, at approximately 2400 m altitude. This chapter describes
the telescope, instrumentation, data sets obtained from observing AR 12533, data reduction
processes and some properties of the spectral lines with which the observations were carried
out. For more information on the instrumentation and function of the SST please see (Scharmer
et al. 2003a).

2.1 The Swedish 1-m Solar Telescope (SST)

General characteristics of the SST (shown in Figure 2.1) are summarized in Table 2.2.

Figure 2.1: The Swedish 1-m Solar Telescope (SST). Image courtesy of Christoffer H. Stoele
(adapted).
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Table 2.1: Characteristics of the Swedish 1-m Solar Telescope

Location Roque de los Muchachos Observatory, La Palma

Altitude 2,360 m

Main Lens Focal Length 20.3 m

Aperture 0.98 m

Main Lens Diameter 1.1 m

Angular Resolution (λ/D) at 611.1 nm 0.13 arcsecond

Adaptive Optics Yes

Instruments CRISP, CHROMIS, TRIPPEL

2.1.1 Telescope Tower and Turret

This section provides information about the tower and turret of the Swedish 1-m Solar Tele-
scope.

It is beneficial for a solar telescope to be elevated off the ground in order to reduce surface
effects from ground heating by the Sun. The SST elevated 15 m tower consisting of a turret
and an evacuated part. The primary optical system, located in the turret, consists of a 1.1
m fused silica lens with a thickness of 82.4 mm at its center and a focal length of 20.3 mm
at a wavelength of 460 nm. The lens is held in place via vacuum pressure and air pressure
balance outside the telescope. The main lens is accompanied by two optically flat Zerodur
mirrors 1.4 m in diameter and thickness of 150 mm. The turret of the SST is equipped with
a mount which allows the telescope to rotate and track the Sun as it moves throughout the
day. It was designed to ensure smooth tracking and stability against wind effects from the high
altitude. The vacuum inside the tower is useful to reduce temperature fluctuations in the tower.
The vacuum is achieved by a pumping mechanism which pumps out air to create a vacuum
environment. It can obtain a pressure of 0.2 mbar from continuous pumping, but can achieve a
pressure of 3 mbar from pumping twice a day for twenty minutes. A vacuum environment also
ensures no air flow or convection inside the tower, which would distort the images. The turret
configuration is depicted in figure 2.2.

The Schupmann corrector, labeled “B” in figure 2.2 consists of a fused silica 305 mm lens
and a 300 mm Zerodur mirror. At the bottom of the vacuum tower, there is a 60 mm field mirror,
shown as “A” in figure 2.2. The field mirror deflect the light up to the Schupmann corrector,
which compensates for chromatic aberrations of the main lens. The light beam will then deflect
again and travel to the adaptive optics system and optical table, where the measuring/recording
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instruments are located.

Figure 2.2: Sketch of the tower, structure and vacuum operations of the SST. (A) Indicates the
location of the field mirror and lenses, (B) Shows the location of the Schupmann corrector, and
(C) details the operation of the optical table (Scharmer et al. 2003a)

2.1.2 Adaptive Optics (AO)

This section explains the adaptive optics system of the SST as described in (Scharmer et al.
2003b)

Adaptive optics is used to reduce distortions caused by atmospheric noise and wave-front
distortions during data acquisition. The AO system is located on the optical table and is the first
system outside the vacuum tower of the SST. First, the light must encounter a tip-tilt mirror,
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an adaptive mirror and a re-imaging lens. These are seen in figure 2.2 labeled "C". The tip-tilt
mirror is responsible for measuring the position of solar fine structure and corrects for large-
scale fluctuations. It is beneficial to reduce these large-scale fluctuations and essentially keeps
the image steady before proceeding to the adaptive mirror. The adaptive mirror is small with
a diameter of 34 mm, giving it a high resonance frequency and the ability to reduce seeing
effects and improve the quality of the images. This bimorph mirror operates with 85 hexagonal
actuators and can sense small perturbations in the wave fronts. The tip-tilt and adaptive mirror
deflect the light a total of 90◦ (60◦ for the tip tilt and 30◦ for the adaptive mirror). It is beneficial
to have a tip-tilt and adaptive mirror before the re-imaging lens because it allows for changes
in the image scale without affecting the former two mirrors. Once the light beam passes the

Figure 2.3: Configuration of the AO system and red beam operating system (i.e., CRISP). FL
= field lens, PCO = polarization calibration optics, TM = tip-tilt mirror, DM = deformable
mirror, RL = re-imaging lens, DC = dichroic beam splitter, CT = correlation tracker, AO WFS
= adaptive optics wavefront sensor, FPI = Fabry-Perot interferometer, HRE = high resolution
etalons, LRE = low resolution etalons, WB = wideband, NBT = narrowband transmitted, NBR
= narrowband reflected, LCs = liquid crystal modulators, PBS = polarizing beam splitter (de
la Cruz Rodríguez et al. 2015). NOTE: the polarization calibration optics is not placed in the
beam during normal observations.
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re-imaging lens, the beam is split by dichroic beam splitter into a red and blue beam. The
Shack-Hartmann wave-front sensor is located in the red beam and serves to reduce atmospheric
noise by predicting distortions of the incoming light beams. It does this by producing images in
the hexagon lens array which matches the configuration of the adaptive mirror, and comparing
them to a reference image to determine the degree of aberrations. The adaptive mirror will
change to compensate for these measurements by sending voltages to the electrodes which will
deform the mirror accordingly. The configuration of the optical table is seen in figure 2.3.
The red beam is sent to the CRISP instrument and the blue beam is sent to CHROMIS. Both
the CRISP and CHROMIS are FabryâPérot interferometers. We note that the datasets being
analyzed in the present work were obtained before the CHROMIS was installed on the blue
beam of the SST on September 2016. Prior to CHROMIS, the blue beam were equipped with
imaging cameras with filters in the blue spectral range, e.g., Ca iiH and K lines. The dataset
used here was strictly from CRISP and thus, the blue beam. The CHROMIS instrument will
not be discussed further. It is important to note that AO only works in good seeing conditions,
if conditions due to poor seeing are present, there are large distortions in the images the AO
cannot lock.

2.1.3 CRISP

Information describing the configuration of CRISP was found in (de la Cruz Rodríguez et al.
2015; Scharmer 2006; Scharmer et al. 2008).

This consists of several prefilters, when implemented will specify the spectral range of the
light beam passing through the system. For the case of the observations in the present work,
the prefilters used were 656.3 nm and 854.2 nm. After the prefilter wheel, the light beam is
split once more and deflects ∼8% of the light to the wide-band (WB) channel and ∼92% to the
narro-band (NB). The light which goes directly to the WB channel is imperative for MOMFBD
restoration (for more information see section 2.1.7).

The light that is directed towards the NB channel will be sent to CRISP (CRisp Imaging
Spectropolarimeter). CRISP is a spectropolarimeter with a dual Fabry-Pérot interferometer
(FPI) consisting of two tunable etalons, high resolution and low resolution (HRE and LRE,
respectively, on the diagram in Figure 2.3). The etalons consist of two parallel reflecting
plates where light is reflected multiple times within between them producing many transmis-
sion peaks, where the total transmission is at the center of the prefilter. Tuning the FPI allows
for sampling at different locations and establishing a complete spectral profile. Following
CRISP on the optical table lies liquid crystals which are used for polarmetric analysis by meas-
uring the Stokes parameters in the light beam. When polarization is part of the observations,
the liquid crystals will change between 4 states (Stokes I, Q, U, and V). All polarization states
were observed for the data set in this thesis. Finally, the light beam is split by a polarizing
beam splitter into two cameras, the narrow-band transmitted and narrow-band reflected. Split-
ting the polarized beam is essential for canceling out seeing-induced polarization effects. The
three cameras employed in the red-beam path are CCD detectors with 1024 by 1024 pixels.
For more information on observational data from CRISP see table 2.2.
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2.1.4 Seeing

During an observational campaign, seeing can make or break the quality of the data being
collected. Seeing is the term used to describe the level of image perturbations by the Earth’s
atmosphere, which consequently influence the quality of images being produced. Bad seeing,
typically caused by large turbulence in the atmosphere will cause the images to be distorted or
blurry. When the atmosphere is turbulent, the refraction index in the light path changes and
the image will appear wobbly as a result. This turbulence can be caused by high temperature
that causes the particles in the atmosphere to be very energetic. It can also be caused by
humidity, water vapour in the atmosphere, and Calima which is dust storm from the Sahara that
is carried through the atmosphere by easterly winds. While taking observations, astronomers
will monitor seeing plots as an indicator of the quality of the data. The seeing plots show the
Fried Parameter, r0 in units of cm, where higher r0 values indicate better seeing conditions
(Fried 1966). The SST is located at the high altitude of 2400 m to help eliminate bad seeing.
It is generally cooler at high altitudes which can reduce the effect of turbulence due to high
temperature in the low atmosphere. Additionally, the SST is 15 m above the ground, which
helps eliminate effects from ground heating (Giovanelli 1984).

Figure 2.4: Seeing plot for 29/04/2016 from 9:40 am to 12:26 am taken during observational
period.

The day on which our data set were taken, seeing conditions slightly varied throughout
the observations. Figure 2.4 shows the seeing plot from the observations taken for the data in
this thesis. There, the green line represents the seeing measure r0 and the blue line is a three-
minutes running average of the green line. A larger the r0 is, a better seeing is usually archived.
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Values larger than 10-15 are often associated with a good seeing condition.

2.1.5 Observations and Data set

The data set used in this thesis was gathered from observations of a sunspot at Solar heliocentric
coordinates (x,y) = (623,19) arcsec. Observations took place on April 29, 2016 from 09:42 to
12:08 UTC, i.e., lasted approximately 2 hours and 25 minutes. This sunspot is very symmetric
in shape with a defined penumbra and is located in active region AR 12533. The location
of this active region is shown in full-disc images in figure 2.6 in eight SDO (Solar Dynamic
Observatory) channels sampling the solar atmosphere from the photosphere to the corona, taken
on the day of observations. The active region is marked in this figure with a red box and
is shown in correlation with all other active regions on the solar disk. The observations on
this sunspot were conducted by Shahin Jafarzadeh, Ainar Drews and Charalambos Kanella.
Figure 2.5 shows properties of the magnetic field of the observed sunspot, from results of the
Milne-Eddington inversion code VFISV from SDO/HMI Stokes images. The magnetic field
peaks in the umbra at 2780 G and has a minimum of 45 G at the quiet sun. The magnetic field’s
inclination shows a nearly vertical field in the umbra and a more inclined field in the penumbra,
particularly, in the side which is away from the solar disc-center (i.e., on the top-right side of
the image). The right side of the penumbra is particularly inclined over a plage region just
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Figure 2.5: A) Magnetic field strength of the observed sunspot from VFISV Stokes inversion of
SDO/HMI observations. The color indicates field strength and shows a maximum field strength
of 2780 G in the umbra and a minimum of 45 G in the quite Sun. The white contour shows
the umbra-penumbra and the outer penumbra boundaries. B) Magnetic field’s inclination of
the same sunspot from SDO observations. This shows that the field is least inclined on the
bottom-left side of the umbra at ∼ 0.4◦ with a nearly horizontal field on the top-right side of
the penumbra.
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outside the sunspot boundaries of opposite polarity. The inclination is likely due to the viewing
angle (since the sunspot is located away from the disc center, at the cosine of heliocentric angle
µ = 0.75).

Table 2.2 provides all detail pertinent to this data set. For this observation, the CRISP
instrument was used to sample the spectral lines Hα 656.3 nm with 15 wavelength positions
and Ca ii 854.2 nm with 21 positions. Table 2.3 provides technical information about the two
observed spectral lines including number of the line positions, line position offset from the line
cores, frames per line position, and the theoretical diffraction limit. The theoretical diffraction
limit, which is a measure of the minimum possible resolved angle θ using the Rayleigh cri-
terion, is calculated using the Equation 2.1. Here, D is the aperture size (i.e., 0.97 m for the
SST) and λ is the wavelength of transmitted light. The theoretical diffraction is calculated in
radians and must be converted to arcsec as shown in equation 2.2.

θλ = 1.22
λ

D
(2.1)

1rad =
360◦ × 60 × 60

2π
arcsec (2.2)

Table 2.2: Overview of Data Set from SST/CRISP

Observing Date April 29, 2016

Solar heliocentric coordinates (x,y) = (623,19) [arcsec]

Cosine of Heliocentric angle µ=cosθ=0.75 (θ = 42.9◦)

Observing Time 09:42:51 – 12:08:32 UTC

Length of Observation 02:25:40 (hours:min:sec)

Observing rate 30.8 frames/s

Cadence of Time Series 20.3 s

Instrument Used CRISP

Number of Scans 431

Image Scale 0.059 [arcsec/pix]

FOV Size 54”× 54”
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Table 2.3: Observed Line Details for Hα 656.3 nm, Ca ii 854.2 nm

Hα 656.3 nm Ca ii 854.2 nm

Line Center 656.28 nm 854.21 nm

Spectral Resolution 61.3 mÅ 106.6 mÅ

No. of Wavelength Positions 15 21

Wavelength positions offset
from line center
(See figure 2.10)

±(0,200,400,600,800,
1000,1200,1500) mÅ

±(0,70,140,210,280,
350,455,595,735,945,
1750) mÅ

Number of Exposures 8 6

Diffraction limits 1.22λHα
D ≈ 0.170” 1.22λCaII

D ≈ 0.221”

2.1.6 The Spectral Lines

The two spectral lines analyzed in this thesis are Hα 656.3 nm and singly ionized Calcium,
Ca ii 854.2 nm. Hα 656.3 nm is a transition between level n=3 and n=2 in the Balmer series,
as shows by a red line in the left panel of figure 2.5, and it is formed in the chromosphere.
Ca ii 854.2 nm is a transition between the upper and lower level of singly ionized calcium as
shown by the red line in the right panel of figure 2.5. This spectral line is also formed in the
chromosphere. Ca ii 854.2 nm is highly susceptible to magnetic and thermal conditions due
to its narrow line profile and allows for many structures to become visible at this wavelength
that might not be visible in Hα. Moreover, the Hα is a scattering line and thus the intensity
does not largely follow changes in temperature, whereas in the case of Ca ii 854.2 nm the
intensity is coupled with source function whose variation with time is similar to that of the
local temperature.

Formation heights for both spectral lines are presented in Figure 2.10. On each column of
this figure, the top panels show the mean spectral lines and the sampled wavelength positions,
the middle panels illustrate the contribution functions (to intensity) for a selected wavelength
positions in the blue wing of the lines (i.e., those in which we will investigate wave phenomena
in the present work; marked with red circles in the two top panels), and the bottom panels
show the mean heights of formation of the samples positions. The formation heights were
calculated using the RH code, originally developed by Han Uitenbroek (Uitenbroek 2001),
and then extended by Tiago Pereira (Pereira, Tiago M. D. and Uitenbroek, Han 2015). The
contribution functions were computed for the FALP model atmosphere which represents (kG)
plage regions (Fontenla et al. 2006). For sunspots, particularly in the umbrae, the geometrical
heights are likely lower in all layers compared to those in the FALP model, due to a stronger
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Wilson depression. However, the FALP model represents a strong magnetic-field pixel which
is, to some extent, comparable to a sunspot’s atmosphere. The contribution functions show
that each wavelength position has a rather wide range of height contributions. Also, in our
observations, not all pixels in each image (taken at a particular wavelength position) have
the same geometrical height. However, for simplicity, we assume that each image at each
wavelength position is formed at a “certain” height corresponding the mean values shown in
Figure 2.10.

2.1.7 MOMFBD

Multi-Object Multi-Frame Blind Deconvolution (MOMFBD) is the process of image restora-
tion to reduce higher order atmospheric seeing effects as described by Van Noort et al. 2005
and van Noort, M. J. and Rouppe van der Voort, L. H. M. 2008. Seeing, as described in section
2.1.4 is one of the major issues in retrieving high resolution data using ground based telescopes.

The MOMFBD can be best described by the three elements in its name. Multi-object refers
to the three cameras being used in the red beam which record the same field of view. Although
the field of view is the same, the wavelength at which the images are taken for each object differ
which will produce the multiple objects. The multiple objects can be compared to find effects
of the same atmospheric distortions. Each of the objects are imaged multiple times which is
meant by Multi-Frame. For this data set, 8 frames per line position were taken for the Hα 656.3
nm line and 6 for the Ca ii 854.2 nm line. Multiple frames are taken near-simultaneously with
the assumption that the object remains constant. Blind Deconvolution is the process of image
restoration. There are many causes of seeing effects, such as atmospheric turbulence, which
are described by a point spread function. When deconstructing an image, it is unclear about
the form of the point spread function, which is why the deconvolution is referred to as “blind”.
Blind deconvolution will resolve the images unaltered by atmospheric seeing effects. This is
done by breaking down each image into sub images which overlaps, and deconvolving them
separately until one coherent image is resolved. The MOMFBD process is deployed for each
line scan.
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Figure 2.6: Top: Images of the full-disc Sun on the day of data acquisition (April 29, 2016).
Each filter represents a particular height range from the photosphere to the corona. Courtesy
of NASA/SDO. The AR 12533 is shown in a black box. Bottom: Active region map obtained
from the Solar Terrestrial Activity Report, courtesy of NASA/SDO. The AR 12533 is marked
with a red box.
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Figure 2.7: Observed images of each wavelength position of the blue wing of Hα 656.3 nm
from the far wing to the line core.
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Figure 2.8: Observed images of each wavelength position of the blue wing of Ca ii 854.2 nm
from the far wing to the line core.
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Figure 2.9: Left: Electron transitions for a Hydrogen atom. The Hα 656.3 nm transition is
marked with a red line. Solid lines demonstrate bound-bound transitions and dotted lines show
bound-free transitions. In this figure n is the principle quantum number. Right: Transition of
singly ionized calcium 854.2 nm is shown with the red line.
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Figure 2.10: Average spectral lines (top), contribution functions for selected wavelength posi-
tions (middle), and mean heights of formation of the sampled positions (bottom) for Hα (left)
and Ca ii 854.2 nm (right), calculated with the RH code for the FALP model atmosphere. The
red circles in the top and bottom panels mark the positions for which the contribution functions
are plotted in the middle panels. Wave phenomena in the atmospheric layers corresponding to
these wavelength positions are studied in chapter 4.
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Chapter 3

Methods

3.1 Wavelet Integration

Wavelet analysis was performed on the observed images with the intention to identify wave
phenomena in the time and frequency domains. The method of this technique is described thor-
oughly by (Torrence and Compo 1998). The wavelet software, used in the present work, was
provided by C. Torrence and G. Compo and is available at http://paos.colorado.edu/research/wavelets/this
URL.

Wavelet analysis acts to decompose a time series into the time and frequency domains
(simultaneously) to obtain time varying oscillations’ amplitudes and periods. The objective
is to calculate the running variance of a time series with a window function that varies in
width, which allows for analysis of varying time and frequency (Torrence and Compo 1998).
A Morlet wavelet function was chosen as the window function for this integration. The Morlet
is a complex wavelet function and consists of a plane wave modulated by a Gaussian. Much
like a Fourier transform, the Morlet wavelet bridges the frequency and time domains, but has
an advantage of recognizing time dependent changes in power oscillations. The assumptions
for the wavelet transform include that there must be a time series, xn, with equal time spacing,
δt, where n=0...N-1. It is dependent on a dimensionless time parameter η, and a dimensionless
frequency ω0. For the Morlet function, ω0=6. The shape of the Morlet function is shown
in figure 3.1 with the complex equation given on the left side of the figure, where ψ is the
complex Morlet function. The basic function seen here is theoretically expanded to produce a
scaled wavelet which can be dilated to change scale. The wavelet (W), is then calculated as the
convolution of the wavelet function with the time series (Torrence and Compo 1998).

Scaling for the integration was chosen in accordance with the Nyquist Frequency, which
states that the smallest allowed (detectable) frequency is s0 = 2δt. The cadence for our ob-
servational data in this thesis is 20 s which makes s0 = 40s. The spacing (i.e., the frequency
resolution) was chosen to be δ j = 0.025 which consequently provides 250 analyzable frequen-
cies between 41.3 s and 3090.9 s. A general equation for scaling is given in equation 3.2.

s j = s02 j δ j, j = 0, 1, ..., J (3.2)
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ψ0(η) = π−1/4eiω0ηe−η
2/2 (3.1)

Figure 3.1: The Morlet function. The real and
complex parts are shown with the solid and
dotted lines, respectively (from Torrence and
Compo 1998).

Figure 3.2: A wavelet power spectrum for pixel (x,y)=(500,600) sampled at Hαcore- 40 pm in
our data set (see Chapter 2). The top panel shows the variation in intensity with time. The
bottom left panel shows the wavelet power spectrum, and the bottom right shows the global
wavelet power spectrum.

The analysis is performed on each pixel of the observed images for the whole duration
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of the observations. An example for a single pixel observed in the Hα blue wing (a height
corresponding to the low-to-mid chromosphere) is shown in figure 3.2. The top panel shows
the variation in intensity with time. The bottom left panel shows the wavelet power spectrum,
where red indicates areas of high power. The black cross-hatched area is the so-called cone-
of-influence (COI), which indicates where oscillation periods are not reliable or unresolved
(i.e., they are subject to edge effect). The bottom right panel shows the global wavelet power
spectrum which is an integrated power spectrum over the time domain (which makes is similar
to Fourier power spectra). The vertical dotted line is the 95% confidence level. Although the
global wavelet power spectra is similar to that from Fourier transform, it has been shown to be
more efficient in identifying wave phenomena through the solar atmosphere (Bello González
et al. 2010).

Thus, the wavelet analysis was utilized in this thesis in order to find time varying power
oscillations and dominant period for each pixel at multiple wavelength positions of the both
spectral lines (which represent, on average, various heights in the solar photosphere and chro-
mosphere).

3.2 Line of Sight Velocity

Line of sight velocity was determined via the bisector method by sampling Doppler shifts at
different intensity levels.

In this method, the Doppler shifts of an absorption line are found by measuring bisectors
at different intensity depth (including the line center). In this process, a parabolic fit is put on
the absorption line to determine the line-center position. The half-ways of the line connecting
points with the same intensity levels is then found, at different depths. The Doppler shift of the
line center and other bisectors at different intensity depths may differ and these represent Dop-
pler shifts at different atmospheric heights. Ten bisector positions are initially calculated from
the continuum level to the line core. This is also useful in measuring line asymmetry. Once
Doppler shifts are calculated at each atmospheric height, LOS velocities may be calculated by
choosing a reference wavelength position (λ0), for which we chose the mean bisector position,
averaged over the entire FOV. The continuum line position (i.e., the most far-wing position)
was excluded in this calculation. The Doppler shifts were calculated using equation 3.3. The
LOS velocities were calculated with equation 3.4, where υdop is the Doppler velocity and c is
the speed of light.

∆λ = λ − λ0 (3.3)

υdop

c
=

∆λ

λ0
(3.4)

Figure 3.3 shows the height averaged Doppler velocities (of a time step) for the Hα 656.3
nm and Ca ii 854.2 nm lines. Positive values, shown in blue, indicate moving towards the
observer (i.e., upflows) and negative values in red as moving away from the observer (i.e.,
downflows).
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Figure 3.3: Doppler velocities for Hα 656.3 nm (left) and Ca ii 854.2 nm (right) scaled to ±1
km/s for one time step. The red arrow points towards the solar disk center.

3.3 Wave Coherence

Wave coherence indicates how two power spectra move together (i.e., related in both spatial
and time domains) and is found from the cross power spectra of the two time series. The cross
spectrum is the complex Fourier transform of the time series. If X and Y are the two time
series, then the cross spectrum is calculated by CS xy = X′( f ) ∗ Y( f ), where X’ is the complex
conjugate of the first time series. The wave coherence is the amplitude of the calculated cross
spectrum and is calculated as seen in equation 3.5. Wave coherence is a calculation of the linear
relationship between the two time series X and Y and has a value between 0 and 1, where 0 is
no correlation and 1 represents a perfect correlation.

Coherence( j) = | < C( j) > |2/ < |X( j)|2 >< |Y( j)|2 > (3.5)

We calculate wave coherence between oscillations measured in various pairs of parameters.

3.3.1 Phase and Time Lag

From the wave coherence, it is also possible to determine phase differences between the two
time-series, from which, time lags can also be calculated. Thus, the time lags are calculated
by measuring the phase lag (φ) of the cross spectrum, seen in equation 3.6. This results in a
phase interval of (-π, π). The time delays are then calculated as seen in equation 3.7, where f
is the frequency. Time lags can be positive or negative, depending on the direction of travel. A
positive time delay (τ) represents upward propagation in our analysis, and negative represents
downward propagation.
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φ( j) = arg(< CS ( j) >)) (3.6)

τ( j) =
φ( j)

2 ∗ π ∗ f ( j)
(3.7)

In this study, we have calculated time delays between oscillations in different spacial loca-
tions and for various parameters.

3.3.2 Phase Velocity

Horizontal phase speeds were calculated in this thesis for oscillations at various atmospheric
heights. Wave speeds were calculated from space-time diagrams created by an artificial slit
(cut) crossing the center of the sunspot (which showed prominent wave signals).

Prior to the above phase-speed calculations, the fast Fourier transform (FFT) algorithm was
utilized to filter the time series for desired periods. The FFT acts to transform a data-set from
the temporal to frequency domain. This is done for each pixel individually. A discrete Fourier
transform is then initiated utilizing equation 3.8. F(u) is the discrete Fourier transform for N
elements one-dimensional function f (x) and u is an integer (u= 0,1,2, . . . , N − 1). The result
is a complex array with the same size as the input one. The array is then filtered for a desired
frequency. An inverse Fourier transform is then taken to convert back the frequency domain to
time series.

F(u) =
1
N

N−1∑
x=0

f (x) exp[−i 2 π ux/N] (3.8)

Horizontal wave speeds were calculated by taking the slope of individual time-distance
structures in the filtered images, at different spatial locations and for various periods (see fig-
ure 4.23).
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Chapter 4

Analysis and Results

We aim at investigating wave phenomena in a sunspot atmosphere from observations at high
resolution with SST/CRISP. To this end, we exploit a relatively high temporal-, spectral-, and
spatial-resolution time-series of images recorded at various wavelength positions in Hα 656.3
nm and Ca ii 854.2 nm spectral lines (see Chapter 2 for characteristics of the data sets). The
time-series of each, when played as a movie, shows wave phenomena unique to that spectral
line. Running penumbral waves, for instance, are more easily observable in Hα 656.3 nm and
umbral flashes are better seen in Ca ii 854.2 nm. Each spectral line has different formation
characteristics which make the observations quite different. Figure 4.1 shows a times series of
Hα 656.3 nm from T=20 to T=200 seconds. In these images, running penumbral waves (i.e.,
the ring-like pattern) are seen to move radially outward from the umbra with time. Figure 4.2
shows the same time series, but for the Ca ii 854.2 nm line, in which umbral flashes (excess
brightness in the umbra) are very recognizable and the movement of running penumbral waves
are less obvious. Compared to the Hα, the umbral flashes are better seen in the Ca ii 854.2 nm
intensity image-sequences because their intensity variations represent the large temperature
perturbations caused by the magneto-acoustic waves in the umbra (see Section 2.1.6 for details
about the lines’ properties).

It is particularly interesting to compare power distributions (i.e., distributions of the power
spectra of the oscillations) for both spectral lines to see the effect on intensity of different
wave phenomenon. A comprehensive study on intensity and LOS-velocity oscillations was
conducted for both the Hα 656.3 nm and Ca ii 854.2 nm spectral lines, and on perturbations in
magnetic-filed components (i.e., the Stokes parameters) for the latter one, to better understand
the observed sunspot waves.

In addition, relationships between the waves observed at different atmospheric layers and
between oscillations seen at various parameters can respectively lead us to estimate propagation
speed of the waves (by also considering the average formation heights of the different layers,
and/or the distance they travel spatially) and inspecting the magnetic nature of the oscillations.
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Figure 4.1: Time series of Hα 656.3 nm line-core observations for T=20 to T=200s. Running
penumbral waves are seen to move radially outward from the umbra with time.
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Figure 4.2: Time series of Ca ii 854.2 nm line-core observations for T=20 to T=200 seconds.
Umbral flashes are seen frequently in this time series of images.
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4.1 Powermaps and Dominant Periods

Time integration of wavelet power spectra, as described in Section 3, determines the global
power for various periods at each pixel in the observed image-sequences. Reconstructing the
power distributions at various heights can show (1) the spatial change in power for specific
periods in a particular atmospheric layer, and (2) how it varies with height in the solar atmo-
sphere. In addition, periods associated with maximum power spectra (i.e., dominant periods)
are also computed for each atmospheric layer (i.e., each particular wavelength position, which
is assumed to, on average, represent an atmospheric height; see Section 2.1.6). For our ana-
lysis, we choose seven wavelength positions in the blue wing of the two spectral lines. These
positions (marked in Figure 2.10 with red circles) approximately represent, on average, various
layers from the low solar photosphere to the high chromosphere.

4.1.1 Intensity Oscillations

Calculations of powermaps and dominant periods were first performed for intensity image-
sequences sampled in the different wavelength positions of Hα 656.3 nm and Ca ii 854.2 nm
lines for periods ranging from (less than) one to nine minutes in order to determine how waves
of various periods affect intensity with height. Many period ranges showed strong similarities,
thus only the 1, 2, 3, 4, 5, and 6 minute periods are shown for this particular study. The 3D
powermaps for various wavelength positions of Hα are shown in each panel of figure 4.3. The
bottom most wavelength position is Hαcore−120 pm and the top wavelength position is the Hα
line-core, representing a height variance from the low photosphere to the high chromosphere.
Each panel represents an average powermap for a period bin centered at the mentioned period,
with a width of 1 min. The colors in these figure represents the normalized power where blue
is low power spectra and red is high power. The white contours represent the umbra-penumbra
and the outer penumbra boundaries.

Similarly, for Ca ii 854.2 nm, shown in figures 4.4, the configuration begins with the bottom
most photosphere wavelength position, Ca iicore − 175 pm, to the Ca ii line-core.

The 3D power maps are of great importance to this study and show power created by
interesting wave phenomena of varying period, with height through the solar atmosphere, and
with spatial distance from the umbral barycenter. The top left panel in each of these figures
shows the 1 minute period wave power. This is a noteworthy observation, as waves of this high
frequency are difficult to detect without high resolution observations. The high resolution and
cadence of the images obtained with the SST allows us to see higher frequency wave signatures
much easier. The 1-minute period wave power is seen for all spectral lines observed in this
data set. The location of power varies for high and low frequency waves for the images of
Ca ii 854.2 nm and Hα 656.3 nm. It is evident that in the chromospheric wavelength positions,
for high frequency waves, the majority of the power is located in the umbra for Ca ii, and
concentrated on the umbra-penumbra boundary for Hα 656.3 nm. Looking at the time-series
of images in figures 4.1 and 4.2, it is clear that this is a result of the differences in the observed
spectral lines. Power in rings at the umbra and penumbra boundary in Hα are caused by running
penumbral waves, and the brightening in the umbra for Ca ii is the result of frequent umbral
flashes. Although most of the power is directed to the boundaries in Hα, that does not mean
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that there is no power in the umbra for these wavelengths, but rather that the color-scale is
overpowered by brightening from the running penumbral waves. The difference between the
two powermaps is caused by difference in formation of the lines. More information on line
formation can be found in section 2.1.6. Although the intensity is overpowered by umbral
flashes in Ca ii, running penumbral waves are still seen. Lower frequency waves in both figures
show power shifting incrementally outward in quasi-circular bands with an increase in period
for both Ca ii 854.2 nm and Hα 656.3 nm. This is a direct observation of running penumbral
waves peaking further from the umbra with decreasing frequency for both spectral lines.
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Figure 4.3: 3D powermaps for Hα 656.3nm intensity oscillations, showing the power distri-
butions with height, and spatially in each layer. The bottom most layer, Hαcore − 120 pm,
represents the low photosphere. The height increases (on average) towards the Hα line-core
(the top layer; i.e., the high chromosphere). The top three panels are the power associated with
1, 2 and 3 minute wave modes, and the following bottom panels are for the 4, 5 and 6 minute
waves (see main text).The color represents normalized intensity power spectra where red is the
highest value.
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Figure 4.4: Same as Figure 4.3 but for the Ca ii 854.2 nm line. Similarly, the chosen wavelength
positions (approximately) represent various heights from the low photosphere to the high chro-
mosphere (from the bottom layer to the top in each panel).
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To show the power variation for different wave periods with distance from the center of
the umbra, the mean power was calculated for each powermap in increasing circular azimuthal
radius bins beginning at the umbral barycenter. Figure 4.5 shows such distributions for Hα
on the left column and for Ca ii on the right. The different figures in each column show the
azimuthal power distribution from the photosphere (bottom panel) to the chromosphere (top
panel). The wavelength positions are equivalent to those seen in the 3D powermaps earlier.
The x-axis represents circular radii moving outward from the center of the umbra with units
of arcsec and the y-axis represents different wave periods from 0 to 14 minutes. The color
represents normalized mean power with the lightest regions depicting the most power. The
umbra-penumbra and outer penumbra boundaries are marked with red vertical dotted lines in
each panel. In the low photosphere, at Ca iicore − 175 pm (bottom right), high power signals
are observed outside the sunspot boundary with the most power located from 20 to 30 arcsec
(from the umbral barycenter) in the 1 to 5 minute period range. Weaker power signals are also
seen for lower frequency waves in this regime, and for high frequency waves in the penumbra.
Little to no signal is seen in the umbra. The power outside the sunspot boundaries in the lowest
photospheric regime is caused by p-mode oscillations outside the sunspot. In comparison,
the photospheric wavelength position for Hαcore − 150 pm shows strong intensity signals at
the umbra-penumbra boundary (5-7 arcsec) for high-frequency waves and at around the outer
penumbra boundary for waves of all frequencies. Neither panels show signal for low frequency
waves in the umbral center.

The power signals for spectral lines changes drastically with height. Beginning with Hα,
the power seen in the photosphere in the outer penumbra boundary increases in strength until
the height corresponding to Hαcore − 60 pm and any signals of long period waves in the umbra
vanish. Moving further up to Hαcore − 40 pm, the power is found to shift from the outer
penumbra boundary, to the umbra-penumbra boundary with some power at the center of the
umbra for high-frequency waves. There is also a noticeable increase in 1-minute-period waves
at all radii at this wavelength position. Finally, at the line core, one can see the shift in power
from high-frequency waves at the umbra-penumbra boundary, to longer period waves moving
out to the penumbra. The power seen at the umbra-penumbra boundary is caused by running
penumbral waves and the power in the umbra, although faint, is the result of umbral flashes.

Similarly, Ca ii shows similar shifts in power with atmospheric height. The height corres-
ponding to Ca iicore − 45.5 pm shows an increase in mean power for high-frequency waves
outside the sunspot boundary and begin to shift into the penumbra for longer-period waves.
Higher-frequency wave power begins to form in the umbra and continues into the chromo-
spheric lines. From Ca iicore − 28 pm to Ca iicore − 21 pm, strong power is seen in the umbra
for 1-3 minute waves. At the Ca ii line-core, 1-minute waves disappear and the result is high
power in the umbra for 2 and 3 minute oscillations caused by umbral flashes.
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Figure 4.5: Mean azimuthal power distribution for Hα (left) and Ca ii 854.2 nm (right) for
radius bins from umbral center to quite sun. The x-axis represents the circular radii from the
center of the umbra at 0, to away from the sunspot at 30 arcsec. The umbra and penumbra
boundaries are marked by red vertical lines. The y-axis shows the period in minutes and the
color represents the mean power, where the lightest color illustrates the most power. The
bottom to top panels show different wavelength positions corresponding to atmospheric heights
from the low photosphere to the high chromosphere.
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Both of the spectral lines show similar behaviors. In the photosphere, power is distributed
more towards the outer edge of the sunspot. Gradually with height, it shifts towards the umbra
where most of the power is observed. In the chromosphere, for both spectral lines, power is
damped in the penumbra with a linear change in wave-period power that decreases increment-
ally with distance from the umbra. Power produced by running penumbral waves and umbral
flashes are therefor seen for both Hα and Ca ii. It is important to note that the sunspot observed
in this data set is not located at or close to disc center, hence the power distributions could be
affected by the viewing angle. For which, a study was conducted by splitting the sunspot into
four quadrants and comparing the maximum power for each wavelength positions. If view-
ing angle affected the power distributions, one quadrant would have more visible power than
the others. The result of this inspection showed that the azimuthal power distributions are in
fact identical and viewing angle did not statistically affect the spatial and height dependent
behaviours we described above.
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Figure 4.6: Left: Dominant periods at various wavelength positions in the blue wing of Hα
656.3nm. The bottom most layer, Hαcore−120 pm, represents the low photosphere. The height
increases to the high chromospheric layer at the Hα line-core. The color represents period of
dominant power and ranges from 0.5 to 7 minutes, where blue is shorter periods and red is
longer period waves. Right: The areal coverage of the umbra with certain dominant periods at
various wavelength positions form the low photosphere (0; corresponding to Hαcore − 120 pm)
to the high chromosphere (6; Hα line-core).
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Figure 4.7: Same as Figure 4.6 but for Ca ii 854.2 nm. The Ca iicore − 175 pm represents the
low photosphere and the top chromospheric layer is sampled by the Ca ii line-core.

We further determine the period of dominant power from the wavelet power analysis. The
left panel in figures 4.6 and 4.7 show the period of dominant power for the Hα and Ca ii Stokes I
for all wavelength positions, where the color represents dominant period in minutes. The dom-
inant wave period is seen to decrease outward from the center of the umbra with height in the
solar atmosphere for both spectral lines. The photospheric umbra is dominated by 5-minute
oscillations and the penumbra by waves in the 6-7 minute range. Although the peak power in
the photosphere is in the 5 minute range, 3 minute oscillations are still present, as shown in the
powermaps for Hα and Ca ii, but they are overpowered by the amount of 5-minute oscillations
and their signals are drowned out. Moving up in the solar atmosphere, 3-minute waves begin
to take over as the dominant period in the umbra with longer periods dominating in the 4 and 5
minute range in the inner penumbra, and 6-7 minute range in the outer penumbra. This shows
that the decreasing wave period moves out from the umbra as running penumbral waves. The
shift in period from high frequency waves in the umbra to low frequency waves moving gradu-
ally out to the penumbra is a direct detection of running penumbral waves (section 1.6.2). It
can be explained as the magnetic field lines become more inclined radially outward from the
umbra and guide upward propagating magneto-acoustic waves along these inclined field. It is
not strictly the inclination angle which allows RPW’s to propagate, but also a modified acoustic
cutoff frequency. As mentioned in section 1.5, the acoustic cutoff in a magnetic environment
changes with respect to the inclination angle. A more inclined field will have a lower acoustic
cutoff and allow lower frequency waves to tunnel through the solar atmosphere. Looking at
equation 1.22, the maximum acoustic cutoff frequency corresponds to a vertical magnetic field
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(θB = 0) such as in the umbra, and decreases with increase of the inclination angle. This will
allow longer period waves in the photosphere to propagate upward along inclined fields to the
chromosphere. The modified acoustic cutoff will therefore allow the period of peak power at
each height to increase radially outward form the umbral center as seen in figures 4.6 and 4.7.
The period of peak power is in agreement with the 3D powermaps shown earlier, which shows
the power moving out to the penumbra for an increase in the wave period.

The right panels in figures 4.6 and 4.7 show the height variance for periods of 1, 3, 5,
and 7 minute in the umbra. The x-axis represents the wavelength position where 0 is the bot-
tom photospheric wavelength positions from the 3D maps and 6 is the line core. The values
represent percent of the umbra with the respective dominant wave period (i.e., they show the
fraction of umbral area with a particular dominant period range, centered at the given period,
with a width of one minute). For the photosphere in Hα, 80.69% of the umbra is dominated
by 5-minutes waves and 13.2% by 7-minute oscillations. The percent of 5 and 7 minute os-
cillations in the umbra suddenly decline at Hαcore − 60 pm where the 5-minute oscillations
decrease from 76.27% to 4.11% and are replaced by 3-minute oscillations which jump from
0.63% to 81.88%. The 7-minute oscillations decrease steadily after this wavelength position.
Similarly for Ca ii, the photospheric umbra is dominated by 5-minute oscillations at 63.2%.
The 5-minute oscillations decrease rapidly and at Ca iicore − 45.5 pm the umbra is dominated
by 3-minute waves by 94%. For both spectral lines, the 5 and 7-minute waves dominance
decrease rapidly with height and are nearly negligible in the chromosphere. Neither Hα nor
Ca ii have a dominant period of 1 minute in the umbra at any wavelength position. Umbral
period dominance is seen here to vary with atmospheric height from 5 minutes in the photo-
sphere to 3 minutes in the chromosphere. The 5-minute photospheric waves are the result of
wave excitation by photospheric p-modes (actually, magneto-acoustic waves) at the sunspot.
P-mode waves will be converted to fast and slow modes in the sunspot’s photosphere which
will propagate upward along vertical field lines in the umbra until they reach the acoustic cutoff

at approximately 190 s. At this point, 5-minute waves will be reflected back to the surface, but
3-minute fast modes will be able to penetrate into the chromosphere, dominating the power in
this region. Fast modes in a vertical field are then reflected back to the surface at the fast mode
cutoff frequency (ω = VAk). The 3D powermaps show power for periods in the photosphere,
which are a result of wave reflection for slow and fast modes back to the surface. The period of
dominant power and umbral variance with height (seen in figures 4.6 and 4.7) show the period
decreases with distance from the umbral center and with atmospheric height. We should note
that no significance level was considered when determining the dominant periods. Thus, our
results could be biased by insignificant power spectra, though our statistics should still be valid.

4.1.2 Oscillations in Stokes Q, U, and V

To validate whether the waves patterns observed in section 4.1 are in fact of magnetic nature, we
performed the same study as in section 4.1.1 but on Ca ii Stokes Q, U, and V . Stokes parameters
indicate the polarization states of electromagnetic radiation. As mentioned in section 1.3.2,
Stokes Q and U represent linearly polarized light and Stokes V is representative of circular
polarization. 3D powermaps were constructed for stokes Q, U and V as shown in figures 4.8,
4.9, and 4.10, respectively. Each of these figures show power in the umbra for 1 to 6 minute
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waves at different locations, depending on the direction that the light is polarized. Each image
also exhibits a gradual shift of power from the umbra to the penumbra with increasing wave-
period as seen in the powermaps for Stokes I. Therefore, running penumbral waves are seen for
all Stokes parameters in a similar way. Comparing the intensity maps for Ca ii and the Stokes
parameters, we can deduce that the high-frequency waves in the chromospheric umbra as well
as the longer-period running penumbral waves are of magnetic nature. A more detailed study
of polarization coherence is performed in section 4.2.
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Figure 4.8: 3D powermaps for Ca ii 854.2 nm Stokes Q in seven wavelength positions, illus-
trating the power distributions with height, and spatially in each layer. The bottom most layer,
Ca iicore − 175 pm represents the low photosphere and the top chromospheric layer is represen-
ted by the Ca ii line-core. The color shows normalized power spectra where red is the highest
value.
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Figure 4.9: Same as Figure 4.8 but for Ca ii 854.2 nm Stokes U.
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Figure 4.10: Same as Figure 4.8 but for Ca ii 854.2 nm Stokes V .
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Figure 4.11: Top: Dominant periods for Ca ii 854.2 nm Stokes Q, U, and V from left to right,
respectively. The bottom most wavelength position, Ca iicore − 175 pm, represents the low
photosphere and the top chromospheric layer is shown with the Ca ii line-core. The color
represents period of dominant power and ranges from 0.5 to 7 minutes, where blue is shorter
periods and red is longer period waves. Bottom: The percentage of umbral coverage with
particular dominant period ranges (centered at 1, 3, 5, and 7 minutes; with a width of 1 minute)
versus the various wavelength positions form photosphere to chromosphere for Stokes Q, U
and V from left to right, respectively. The x-axes show wavelength-position indices, where 0 is
the Ca iicore − 175 pm and 6 is the Ca ii line-core.

The period of dominant power and period variance in the umbra were also found for all
seven wavelength positions for each Stokes parameter. The top panels of figure 4.11, from
left to right, show the period of dominant period for Stokes Q, U, and V respectively. For
each panel, Ca iicore − 175 pm is dominated by a mixture of many diverse wave-periods with
no distinct patterns. This is also seen in their powermaps in Figures 4.8-4.10. Moving up in
height, longer period waves decrease in dominance in the umbra and the 3-minute oscillations
take over with 60 to 95% dominance in the chromosphere. One can also see that much like
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Stokes I, the period decreases radially outward from the umbra center indicating that running
penumbral waves are indeed of magnetic origin. It is important to mention that all Stokes Q,
U, and V parameters show period dominance in 1-minute waves in the photosphere. However,
in the study of dominant periods for Stokes I, there was no recorded period dominance for
1-minute waves. This could be due to the lower significance level of the Stokes data where
larger noise is present and the 1-minute oscillations could be corresponded to such noises.
Due to the strong similarities of the all Stokes parameters to the intensity powermaps, the net
chromospheric and photospheric linear and circular polarization signals were analyzed to show
which type of polarized electromagnetic radiation is responsible for the observed oscillatory
behaviours. The net total polarization signals are formed as the average of a few wavelength
positions, hence they pose a higher signal-to-noise ratio compared to the polarization signals in
individual wavelength positions studied in this section (in the cost of loosing height resolution).

4.1.3 Oscillations in Net Circular and Linear Polarization Signals

To utilize the Stokes parameters further (with higher signal-to-noise ratio), maps of the photo-
spheric and chromospheric net circular and linear polarization signals (CP and LP, respectively)
were made. The CP is calculated by taking an average over all chromospheric wavelength pos-
itions (i.e., Ca iicore ± 7,14,21 pm) in Stokes V , normalized with the local Stokes I continuum.
The sign of the Stokes V for the red-wing wavelength positions were reversed prior to the av-
eraging (to avoid cancellation). The same method is used for the photospheric CP, but with
photospheric wavelength positions (i.e., Ca iicore ± 59.5,73.5,94.5 pm). The CP is the polar-
ization state defined by the vertical component of the electromagnetic radiation representing
longitudinal component of the magnetic fields. The LP describes the horizontal component of
the magnetic field. To calculated LP, we first determine the total linear polarization at each

wavelength position LPi =

√
Q2

i + U2
i (where i is the index of wavelength positions), normal-

ized to the local Stokes I continuum. The chromospheric and photospheric LPs are formed by
averaging the LPi over their corresponding wavelength positions (same as those for the CPs).

Thus, a similar powermap study as done for the individual wavelength positions of the
intensity and of the Stokes parameters (see sections 4.1.1 and 4.1.2) are performed for the
photospheric and chromospheric CP and LP maps (i.e, oscillations at two averaged atmospheric
heights in the CP and LP.). Powermaps for 1, 3, 4, 5, 7, and 9 minute oscillations for the
photospheric and chromospheric CP are respectively illustrated in figures 4.12 and 4.13, and
for LP in figures 4.14 and 4.14. The top three panels are the 1, 3, and 4 minute periods and the
middle three panels are the 5, 7, and 9 minute period powermaps. As before, color represents
normalized power and the axis are in units of arcsec. The sunspot boundaries are shown with
white contours. The mean power for azimuthal radius bins is shown in the bottom panel. As
before, the y-axis represents period in minutes and the x-axis represents radius bins in units
of arc seconds where 0 is the umbra center, and 30 arcsec is the quiet sun. The umbra and
penumbra boundaries are shown with red vertical lines.

The photospheric CP provides little signal for 1-minute waves. The power increases for 3-
minute oscillations in the umbra and 4 minute oscillations on the umbra-penumbra boundary.
As the period increases to 5 to 7 minutes, power enhances at the penumbra and at the umbra-
penumbra boundary. There is a sudden increase in power on the umbra-penumbra boundary
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from 3 to 11 minutes. Then, a much of power is observed at the 12-13 minute period in the
umbra-penumbra boundary. Power is also seen for periods of 4-12 minutes in the penumbra
and umbra that increase in wave period with distance from the umbra. These (also) reveal
observations of running penumbral waves in the photospheric CP.

The chromospheric CP shows similar results in the powermaps for 1, 3 and 4 minutes with
power localized in the umbra and umbra-penumbra boundary. Stronger signals are seen in the
umbra for 3-minute period which are likely caused by umbral flashes. At longer periods, the
power travels to the left side of the penumbra and the signal decreases significantly showing the
wave power damping further from the umbra. The azimuthal power shows a strong signal for
high-frequency waves in the umbra and weaker signals in the penumbra. Weak power spectra
are also seen in the umbra for longer periods. We note that the power is dim (due to the color
scale), but it is shown to increase in period further from the umbra. The same behaviour was
seen in the penumbra for the photospheric CP powermaps, which suggests a strong correlation
between the photospheric and chromospheric CP and their relation to the running penumbral
waves.



4.1 Powermaps and Dominant Periods 59

0.0 0.5  1.0

0 6 12 18 24 30 36
Solar X ["]

0

6

12

18

24

30

36

42

So
la

r Y
 ["
]

0.0 0.5  1.0

0 6 12 18 24 30 36
Solar X ["]

0

6

12

18

24

30

36

42

So
la

r Y
 ["
]

0.0      0.5  1.0

0 6 12 18 24 30 36
Solar X ["]

0

6

12

18

24

30

36

42

So
la

r Y
 ["
]

0.0     0.5 1.0

0 6 12 18 24 30 36
Solar X ["]

0

6

12

18

24

30

36

42

So
la

r Y
 ["
]

 0.0 0.5       1.0

0 6 12 18 24 30 36
Solar X ["]

0

6

12

18

24

30

36

42

So
la

r Y
 ["
]

 0.0 0.5 1.0

0 6 12 18 24 30 36
Solar X ["]

0

6

12

18

24

30

36

42

So
la

r Y
 ["
]

−0 5 10 15 20 25 30
Solar X["]

3
1

5
7
9

11
13

T[
m

in
]

Photospheric Circular Polarization
QSU P

Figure 4.12: Powermaps for photospheric CP. The top 3 images show the powermaps for 1,
3 and 4 minutes waves (from left to right) and the middle 3 images for 5, 7 and 9 minutes.
The color represents normalized power from 0 to 1 and the sunspot boundaries are shown with
white contours. The bottom panel shows the azimuthal mean power for circular radii bins from
the center of the umbra at 0, extended to further away from the sunspot at 30 arcsec. The umbra
and penumbra boundaries are marked by red vertical in the bottom panel. The y-axis shows the
period in minutes and the color represents the power spectra, where the lightest color represents
the most power.
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Figure 4.13: Same as Figure 4.12 but for the chromospheric CP.

The LP from the photosphere are quite noisy, but they show power in the umbra for all
wave periods. Umbral power at 9 minutes is noticeably less than every other period bins. The
squares in the top and bottom of each image are artifacts from image reconstruction. The chro-
mospheric LP powermaps show power in the umbra for all periods, but the signal gets weaker
for periods in the 11-13 minute range. Additionally, power in the 4-8 minute range in the pen-
umbra is observed. The power in the penumbra for these periods appears to be concentrated
on penumbral fine structure filaments. Linear polarization describes the horizontal component
of the electromagnetic radiation, meaning horizontal to the solar surface. It can then be in-
ferred that the power in the penumbra are signals from running penumbral waves of different
frequency that are moving horizontally along the filament structures in the penumbra. Com-
paring the powermaps for the chromospheric CP and LP indicates that the power in the umbra
and in the penumbra are on opposite sides of the sunspot in the two maps, for all period bins.
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The CP images represent the longitudinal component of the magnetic field, thus power in the
umbra for umbral flashes and in the penumbra for running penumbral waves. The LP images,
on the other hand, show the running penumbral waves moving horizontally across the sunspot.
Viewing angle or magnetic field inclination could be the cause of the asymmetry we see in the
CP and LP powermaps. Figure 2.5 shows the inclination angle in the photosphere to be more
vertical on the left side of the sunspot. Looking at the movies of Stokes V image-sequences,
umbral flashes are seen on the left side of the sunspot, which will create this brightening in CP
signals that will be more visible in this region. Figure 2.5 also shows a nearly horizontal field
on the far right side of the sunspot which will force the power from the LP to be at this region.
Viewing angle could exaggerate the effect from inclination and cause linearly polarized power
to be on the side of the sunspot away from the disk center.
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Figure 4.14: Same as Figure 4.12 but for the photospheric LP.
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Figure 4.15: Same as Figure 4.12 but for the chromospheric LP.

Similar features in the powermaps for photospheric and chromospheric CP may suggest
a certain correlation. The wave coherence between these polarization signals is performed in
order to inspect whether the running penumbral waves are in fact upward propagating from the
photosphere to chromosphere. This has been investigated in section 4.2.

4.1.4 Line-of-Sight Velocity Oscillations

The studies in the previous sections have clearly shown a relationship between upward propagat-
ing and running waves in the penumbra. It important to investigate how the line-of-sight (LOS)
velocity of different wave periods changes with radial distance from the umbra and with height
in the solar atmosphere. The method of calculating LOS velocity is explained in detail in
section 3.
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Powermaps for period bins were constructed to show power distributions for the LOS ve-
locity calculated from both Hα and Ca ii spectral lines (figures 4.16 and 4.17, respectively). A
set of powermaps were made for each intensity level (i.e., bisector level) in a 3D illustration,
representing various atmospheric heights from the low photosphere (bottom layers) to the high
chromosphere (top layers). As before, the color represents normalized power spectra and the
white contours show the sunspot boundaries. The highest power in these figures corresponds
to the largest velocity oscillations. The labels in these figures (for the Hα line) describe the
different bisector levels from 70% of the line-core intensity in the photosphere to the line core
indicated by 0% of the line-core intensity. Because of the shallower wings of the Ca ii spectral
line, the bottom most layer (i.e., the low photosphere) is found to be at a depth equal to 90% of
the line-core intensity for this line.

The LOS velocity powermaps for Hα and Ca ii show similar patterns for high-frequency
waves of 1-3 minutes where the power is concentrated primarily in the umbra at all atmospheric
heights. As the period increases to the 4-6 minute ranges in Hα, the power remains in the umbra
for photospheric heights, and shift to the penumbra in the chromosphere. The power for Ca ii
shows similar behaviors.

Figure 4.18 illustrates the azimuthal mean power mapped as a function of period and dis-
tance from the umbral barycenter. The left column are for various intensity levels of the Hα
line and the right column for the Ca ii 854.2 nm line. The different panels on each show the
photospheric (bottom) to the chromospheric (top) levels. For Hα, the power is concentrated in
the umbra in the photosphere for a range of periods, but strongest for high-frequency waves. In
contrast, the power for Ca ii at the low photosphere is spread out through the entire sunspot with
power ranging from 3 to 9 minutes. Here, the most power is seen in the umbra at 3 minutes.
Weaker power is seen at longer periods throughout the sunspot. Moving to the second panel
from the bottom for the Hα (i.e. corresponding to a bisector level of 60%), the power is damped
significantly in the penumbra and quiet sun. Power remains in the umbra center for 3-5 minute
oscillations. At Hα-50% level, the power is damped for longer period waves in the umbra and
only the 1-5 minute modes remain. At Hα-50% level power begins to decrease for all longer
period oscillations until only 3 minute modes remain in the umbra at Hα-30% level. In the
penumbra, the power is weak and is shown to have increase in wave period radially outward
from the umbra, particularly, in the top most layer, i.e., in the panel showing the Hα-0% level.
The same trends are seen from Ca ii-60% level to Ca ii-0% level where power for longer period
waves in the umbra are damped until only 2-3 minute modes remain in the umbra. The LOS ve-
locity power for both spectral lines changes with radial distance from the umbra. The 3-minute
modes dominate the umbra, mostly in the chromospheric heights, and power from velocity
oscillations are damped in the penumbra. Power in the penumbra is seen to then increase in
period moving out from the umbra center. The decrease in power from the umbra to penumbra
shows a damping of the velocity wave power as the magnetic field becomes more inclined. Ad-
ditionally, the power in the penumbra moves radially outward while the wave period increases,
showing that running penumbral waves have lower LOS-velocity wave-power the further they
propagate away from the umbral center.
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Figure 4.16: 3D powermaps for line-of-sight velocities at different intensity depths of the Hα
656.3nm spectral line, corresponding to various atmospheric heights from the low photosphere
(bottom most layer) to the high chromosphere (top layer). Each panel represents the powermaps
for a particular period bin indicated on top of its color-bar. The color represents normalized
intensity power where red is the highest value.



4.1 Powermaps and Dominant Periods 65

0.2 0.4 0.6 0.8 1.0

Normalized Power 1 Minute Period

0% line-core intensity  

10% line-core intensity  

20% line-core intensity  

30% line-core intensity  

60% line-core intensity  

50% line-core intensity  

0.0

90% line-core intensity  

0.0 0.2 0.4 0.6 0.8 1.0

Normalized Power 2 Minute Period

0.0 0.2 0.4 0.6 0.8 1.0

Normalized Power 3 Minute Period

0.0 0.2 0.4 0.6 0.8 1.0

Normalized Power 4 Minute Period

Ph
ot
os
ph

er
e

C
hr
om

os
ph

er
e

0.0 0.2 0.4 0.6 0.8 1.0

Normalized Power 5 Minute Period

0.0 0.2 0.4 0.6 0.8 1.0

Normalized Power 6 Minute Period

Figure 4.17: Same as Figure 4.16 but for the Ca ii 854.2 nm line.
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Figure 4.18: Mean azimuthal power distribution for line-of-sight velocity of Hα (left) and Ca ii
(right) for bins from umbra center to quite sun. The x-axis represents the circular radii from
the center of the umbra at 0, to the quiet sun (QS) at 30 arcsec. The umbra and penumbra
boundaries are marked by red vertical lines. The y-axis shows the period in minutes and the
color represents power spectra, where the lightest color shows the most power. The bottom
to top panels correspond to LOS velocities computed for different bisector levels, representing
various atmospheric heights from the photosphere to the chromosphere.

Dominant periods for the LOS velocity powermaps were also calculated. Figure 4.19
shows the period of dominant power for all atmospheric heights for Hα and Ca ii (left and
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right columns, respectively). The dominant period is found to be 3 minutes in the umbra for all
atmospheric height in Hα and increases by moving radially outward. The penumbra in Ca ii-
90% level is dominated by 5-minute oscillations, with some 3-minute waves in the umbra.
Moving through to the chromospheric levels, the longer periods are not present in the umbra,
and the 3 minute modes dominate. The dominant period of the LOS velocity for both spectral
lines is shown to decrease incrementally from 3 minutes in the umbra to the 6-7 minute range
in the outer penumbra. This shows that the wave velocity power decreases with radial distance
from the umbra as the period increases. As previously stated, the magnetic field becomes more
inclined moving out from the umbral center. Waves that are upward propagating along inclined
fields will travel a longer distance depending on how inclined the field lines are. Therefore, the
longer period waves (from the LOS velocity perturbations) propagate along the most inclined
fields and the velocity oscillations will be slower due to the longer travel time from the pho-
tosphere to the chromospheric penumbra (Bloomfield et al. 2007). A study on wave velocity
with distance from the umbra is conducted in section 4.3.
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Figure 4.19: Left: 3D images of the dominant period for Hα 656.3 nm. The bottom most layer
represents the low photosphere. The height increases upward, reaching to the top-most layer
representing the high chromosphere. Right: Same as the left column, but for the Ca ii 854.2 nm
line. The color represents period of dominant power and ranges from 0.5 to 7 minutes, where
blue is shorter periods and red is periods of 7 minutes.
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4.2 Wave Coherence

Wave coherence, as described in section 3.3 has been studied here for various sets of para-
meters. Coherence between photospheric and chromospheric polarization signals as well as
intensity and circular polarization have been investigated. This study provides insight on if
photospheric and chromospheric polarization signals are linked, and if the intensity oscilla-
tions are of magnetic nature. Time lags (as described in section 3.3.1) were also calculated for
each coherence analysis, revealing upward and downward propagating waves in various parts
of the sunspot.

4.2.1 Between Photospheric and Chromospheric Polarization-Signal Oscillations

This calculation was performed for photospheric and chromospheric CP signals. The output
of the wave coherence calculations yields coherence maps for different wave periods, i.e, how
much the waves are related from photosphere to chromosphere for that specific period. A high
coherence indicates the same wave propagating in the two domains. The 3D image in the left
side of figure 4.20 shows the wave coherence between the photospheric and chromospheric
CP for 7, 3.5, 2.3, 1.7, 1.4, 1.2, and 1 minute waves (from the bottom to the top of the panel,
respectively). One can clearly see a strong correlation between the photospheric and chro-
mospheric CP oscillations, particularly for 2-3.5 min periods. The 1-2 minute waves have a
somewhat weaker coherence and are correlated almost only in the umbra. The wave coherence
is the highest for the 2.3-3.5 minute maps. In the 3.5 minute oscillation map, one can see that
the wave coherence is beginning to move to the penumbra. At around the 7 minute period, the
wave coherence has moved almost entirely to the penumbra. The errors of the coherence are
shown in the middle panel of figure 4.20. A study on time lags for the wave coherence was also
performed. The right panel of figure 4.20 illustrates the time-lag maps corresponding to those
of the wave coherence shown in the left panel. The time lags for high frequency waves show
upward propagating in the umbra with a mix of upward and downward propagating modes in
the penumbra. At the 2.3 minute period, we see more downward propagation in the penumbra
and umbra-penumbra boundary. As the wave period increases to 3.5 and 7 minutes, one can see
strong positive time lags in the penumbra, suggesting that the longer period waves in the chro-
mospheric penumbra are upward propagating from the photosphere. Comparing the coherence
and time-lag maps shows that ∼3 minute oscillations are upward propagating from the photo-
sphere to the chromosphere in the umbra, as a results of events such as umbral flashes. Also, a
wave coherence between photosphere and chromosphere for running penumbral waves is seen
here and indicates upward propagation from the photosphere to the chromospheric penumbra,
toward longer periods.

It can further be deduced that since signatures of RPWs were seen in the photospheric CP
powermaps, these events are not solely a chromospheric phenomenon, but are present in the
photosphere as well. The wave coherence shows the correlation between the photospheric and
chromospheric running waves are strongly related in the umbra for high frequency waves and
in the penumbra for longer period waves. The time lags in this figure coherently show upward
propagation in the form of positive time lags for high frequency waves in the umbra, and
similarly that the long period waves in the penumbra are also the result of upward propagation.
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This figure therefore reveals that running penumbral waves are upward propagating as has also
been suggested by independent recent studies.

The wave coherence was also investigated between the photospheric and chromospheric
LP, but no clear coherence was found (not shown here).
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Figure 4.20: Left: Wave coherence between oscillations in the photospheric and chromospheric
CP, for various periods from 7 minutes (bottom) to 1 minutes (top). Middle: Error of the wave
coherency in the same units. Right: Time lags for waves propagating between the photospheric
and chromospheric CP. The Blue color (negative time lag) represents downward propagating
and red (positive values) indicates upward propagating waves.

4.2.2 Between Intensity and CP Oscillations

To investigate the correlation between intensity oscillation and those in polarization signals,
we also computed wave coherence between perturbations in intensity and CP in the photo-
sphere (figure 4.21) and in the chromosphere (figure 4.22). Strong wave coherence is seen
for all wave periods between oscillations in the chromospheric intensity and CP. Higher fre-
quency waves show strong coherence in the umbra, and move outward to the penumbra with
increased period. Additionally, the coherence error is extremely low for 2-3 minute oscillations
in the chromospheric umbra. The photospheric coherence is much smaller, but some moderate
coherence is seen in the umbra for high frequency waves, and in the penumbra for 7-minute
oscillations. Therefore showing that running penumbral waves are of magnetic nature and are
well correlated with most of the intensity oscillations observed in the chromosphere and some
in the photosphere. The photospheric coherence is less extreme because the intensity is largely
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being produced by 5-minute oscillations in the photosphere.
This study on wave coherence may conclude that running penumbral waves originate in

the photosphere and propagate upward along inclined magnetic field lines to the upper chro-
mospheric heights (while moving outwards from the umbral center due to the ever-increasing
fields inclinations). These magneto-acoustic waves are, consequently, responsible for the in-
tensity oscillations found in the powermaps in section 4.1.
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Figure 4.21: Left: Wave coherence between oscillations in intensity and CP in the photosphere,
for various periods from 7 minutes (bottom) to 1 minutes (top). Right: error of the wave
coherency shown in the left panel, in the same unit.

4.3 Wave Propagation

Calculating horizontal wave speeds at different heights for different period bins is beneficial
to understand how a wave speed is changing with atmospheric height. Wave speeds at differ-
ent locations on the sunspot and at different wavelength positions, corresponding to various
atmospheric heights, have been calculated.

To identify wave speeds in the spatial domain, we create a time-distance plot by inspect-
ing time variation of an artificial slit (cut) crossing the center of the sunspot. An example is
shown in the left panel of figure 4.23, for the Hα line-core. Wave phenomena are seen in this
time-distance plot. The slit passes through the center of the umbra and wave signatures are
seen throughout the image. Using Fourier transform, waves with different frequencies (peri-
ods) were filtered from the time-distance image, leaving only waves of desired periods. The
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Figure 4.22: Same as Figure 4.21 but for the wave coherence between the chromospheric
intensity and CP oscillations.

right panel in figure 4.23 shows the Fourier filtered image for 3-minute period waves. Fourier
filtered images were constructed for periods of 1 to 5 minutes for three chromospheric heights
sampled in Hα. Horizontal speed can be easily determined from the distance-time plots. Hori-
zontal wave speeds were found for the umbra, inner penumbra and outer penumbra (indicated
by green lines on the right panel of figure 4.23, for three examples). Horizontal phase-speed is
the speed of a wave travelling parallel to the solar surface. When sampled at different locations
on the sunspot, one can deduce how the wave speed changes spatially, thus with the magnetic
field inclinations. Slopes were calculated along wave signatures to give horizontal wave speeds
in km/s, as seen with the green lines in the left panel of figure 4.23. This method was performed
for an average of five wave signatures in each period filter in order to get a mean period at each
atmospheric height. Figure 4.24 shows the mean horizontal wave speeds for different period
regimes in the Hα line core, for waves in the umbra, inner penumbra and outer penumbra.
The horizontal phase speeds are shown to decrease radially outward from the umbra as shown
by the velocity difference between umbra (black), penumbra (red) and outer penumbra (blue).
The fastest velocities are seen in the umbra for the highest frequency waves. The wave speeds
decrease outward to the penumbra with an increase in the wave period. This diagram shows
speeds of up to 80 km/s in the umbra for waves of 1 minute and down to approximately 30 km/s
for 5-minute signatures. Therefore, the speed of the waves are highly dependent on propaga-
tion period as well as on distance from the umbra. A higher frequency wave will propagate
horizontally at a faster speed than a long period wave. Once the waves reach the penumbra,
they are damped and present speeds on the order of 30 km/s in the inner penumbra, and about
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20 km/s in the outer penumbra for the same frequency wave. The horizontal phase speeds were
found for various atmospheric heights in the mid to upper chromosphere. Figure 4.25 shows
the phase speed in the umbra (top left), penumbra (top right), outer penumbra (bottom left) and
all together (bottom right; for easier comparison). The color representation is the same as figure
4.24. The different symbols represent different wavelength positions with diamonds as the line
core, plus sign as the line core minus 20 pm and triangles as the line core minus 40 pm. There
was no recorded data for 4 and 5 minute oscillations in Hαcore − 40 pm because the signatures
appeared to be washed out. Additionally, waves are not clearly seen for wavelength positions
shorter than Hαcore − 40 pm and were not included in this plot. When multiple wavelength
positions are plotted together, one can see that phase speed is highly dependent on atmospheric
height. Propagation speed increases with height. In the umbra for Hαcore−20 pm, speeds begin
at 65 km/s for 1-minute waves and decrease further for Hαcore − 40 pm with 1-minute oscil-
lation with speeds of 35 km/s. Horizontal speed calculations for various wavelength positions
show that horizontal phase speed in all regimes increase with height in the solar atmosphere
and decreases with radial distance from the umbra.

In this report, running penumbral waves have been shown to propagate from the photo-
sphere upward along inclined magnetic fields. This suggests that there should be a direct
correlation between the inclination angle and/or strength of the magnetic fields and the hori-
zontal propagation speed. It may suggest that the more vertical (and stronger) magnetic fields
results in faster propagating speeds. In the penumbra, the magnetic field is more inclined (and
weaker), compared to the umbra, thus a decrease in propagation speed is observed. This could
be due to a longer propagation distance that the wave travels along the inclined field (see fig-
ure 1.10); Bloomfield et al. 2007). The LOS velocity powermaps support this result and show
that velocity power is associated with its period further from the umbra. We therefore con-
clude slower propagation speeds further from the umbra. Additionally, the propagation speed
increases with height and the highest phase velocities are seen at the Hα line-core. This could
be a direct relationship to the gas density which decreases with height in the solar atmosphere,
hence, the wave speed increases as a result.

Furthermore, we also estimate speed of the MHD waves propagating from the low photo-
sphere to the high chromosphere in the umbra. Figure 4.26 shows intensity oscillations in a
pixel close to the umbral center for eight wavelength positions in the Hα line, sampling heights
from the photosphere to chromosphere. The top wave pattern represents the photospheric re-
gime and the bottom represents the oscillation in the chromosphere. This figure clearly illus-
trates a time lag between various extrema of the oscillations, thus showing a propagating wave
traveling through various atmospheric heights. The vertical propagation speed is calculated by
simply calculating the time delay for the same, e.g., peaks of the oscillation and computing the
slope, and using the approximate formation heights of the wavelength positions to compute a
speed in km/s. The red line connecting the peaks in figure 4.26 shows an example where the
wave feature is shifting in time. The time delay for the wave to travel from the photosphere to
the chromosphere along this line is 101.4 seconds. In this case, a wave is traveling from the
photosphere to the chromosphere with a vertical speed of 7.6 km/s shown in red on the figure.
Downward propagating waves are also seen in these oscillations. An example is shown with a
black line, indicating a downward propagation speed of 15.9 km/s. The wave amplitudes are
also shown to steepen from Hαcore − 150 pm to Hαcore − 40 pm due to a decrease in atmo-
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Figure 4.23: Left: Time-distance plot for an artificial slit crossing the sunspot’s center in the Hα
line-core image. The red horizontal lines show the top and bottom umbral boundaries. Right:
Time-distance diagram for the 3 minutes Fourier-filtered time series. The green lines marks
examples where slopes were taken to compute horizontal propagation speeds (see figures 4.24
and 4.25)
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Figure 4.24: Horizontal phase speeds versus wave periods in the umbra (black), penumbra
(red) and outer penumbra (blue), from observations in Hα line-core image sequences.

spheric gas density. The decrease in density also causes the wave to propagate faster through
the atmosphere.

It is clear from this study that waves are damped radially outward from the umbra, and
increase in velocity with height. A comparison of wave propagation speeds calculated in this
report and other studies is given in section 5.
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as shown for two examples.
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Chapter 5

Discussion and Conclusion

We have studied wave phenomena in a sunspot atmosphere at high spatial-, temporal-, and
spectral-resolution observations from SST/CRISP. In particular, we inspected how the power
spectra of various wave periods (of different types) were distributed over the sunspot and how
they would vary with height. Furthermore, we investigated wave propagation as well as cor-
relations between oscillations in different physical parameters. Thus, this report reveals the
behavior of MHD waves propagating in a sunspot’s atmosphere. We used high resolution data
set which is essential to identify, e.g., high-frequency waves.

In the following, we summarize our findings along with possible scenarios with which the
observed behaviours are interpreted/speculated. In the solar photosphere, p-mode oscillations
(i.e., acoustic waves) are found everywhere. In magnetic structures, such as sunspots, they
excite magneto-acoustic waves that propagate upwards along the magnetic field lines. In the
umbra, we found 5-minute oscillations peaking in the photosphere due to the overpowering
p-modes and are reflected back to the surface at the acoustic cutoff. The 3-minute fast modes
continue to penetrate higher layers of the solar atmosphere, steepening into shocks as the gas
density decreases. Umbral flashes are the result of shock heating of the surrounding plasma
which is visible in intensity maps as excess brightening of the umbra with a peak power of
3 minutes in the chromosphere. The magnetic field lines get more inclined radially outward
from the umbra, forming a so-called magnetic canopy in the chromosphere. The acoustic cutoff

(thus the height of wave reflection) is modified depending on the inclination angle. Slow modes
propagate at longer periods in the penumbra where the inclination angle is ever increasing
radially outward from the umbra. The period of peak power will therefore decreases from
3 minutes in the umbra, to 7 minutes at the outer penumbra. Running penumbral waves have
been found to be of magnetic nature with a strong correlation of photospheric to chromospheric
upward propagation. Upward propagating waves in the umbra travel at the highest velocities
compared to other areas in the sunspot, and its speed and amplitude increases with height as
the gas density decreases. The horizontal wave speeds decrease radially outward as the field
becomes more inclined, probably, due to a longer wave travel time, and thus, the wave velocity
is damped. The horizontal propagation speeds found in this report range from 20-80 km/s in
the umbra, 16-28 km/s in the inner penumbra and 5-28 km/s in the outer penumbra, depending
on the atmospheric heights. The smaller speeds correspond to a lower atmospheric height and
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the higher speeds to the upper chromosphere. These speeds are also highly dependent on the
wave periods (see figure 4.26).

A very similar study was performed by Jess et al. 2013 who found horizontal propaga-
tion speeds of 15.5 km/s in the penumbra for 3-minute oscillations, 12.6 km/s for 4-minute
oscillations, and 10.4 km/s for 5-minute oscillations, in the upper chromosphere. In their
study, 3-minute oscillations in the penumbra showed propagation speeds of 21 km/s, 4-minute
waves had velocities of 19 km/s, and 5-minute oscillations travelled with speeds on the order of
17 km/s, observed at the line core of Hα line. The phase speeds found for these wave periods
are higher in our report, which could be due to a higher resolution data set we employed in our
study, compared to that of Jess et al. 2013. Our propagation speeds are compared to various
studies in table 5.1. In general, the speeds we found in the inner and outer penumbra are in
good agreement with those found in the other studies with speeds ranging from 20-30 km/s in
the inner penumbra (though some studies have reported speeds up to 50 km/s) and 4-16 km/s in
the outer penumbra. Higher speeds are found in the outer penumbra in our report, compared to
the other studies. We speculate that the variations in penumbral inclination angle could be the
reason, since more vertical structures in the penumbra harbor higher velocities. The difference
found here could also be due to the resolution of the data we used in this study, which is signi-
ficantly higher compared to those of the other works, thus, wave structures are much easier to
analyze in our time-series of images. The vertical propagation speed found in this study was
7.6 km/s, which is slightly lower than a similar study performed by Löhner-Böttcher, J. and
Bello González, N. 2015 with a propagation speed of 13 km/s. The formation heights used for
this study were calculated for the FALP model atmosphere (representing a plage region). Typ-
ically sunspot formation heights are in general slightly lower due to higher Wilson depressions
due to the stronger magnetic fields. However, we used the height differences to estimate the
propagation speeds through the atmosphere and should not significantly differ for the FALP
and a sunspot model. Therefore, the disagreement we found for the propagation speeds could
not be due to the model employed to estimate the heights of formation.

Outlook: The sunspot studied in this report was co-observed by Interface Region Imaging
Spectrograph (IRIS) explorer for most part of the observations. An interesting extension to this
study would be to compare the IRIS observations with results found here. In particular, it would
allow us to trace the MHD waves we analyzed here to higher atmospheric heights, if they would
reach there. Additionally, not enough time was allotted to investigate energy transport using
phase speed and velocity amplitude of the propagating waves. A study of energy transport
could provide interesting insight on if the amount of energy transported by the MHD waves in
the sunspot is enough to heat the upper solar atmosphere.
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Table 5.1: Comparison of propagation speeds in different studies

Author Horizontal Speed (km/s) Vertical Speed (km/s)

This Report 20-80 km/s (umbra), 16-28 km/s
(inner penumbra), 5-28 km/s
(outer penumbra)

7.6 km/s

Tsiropoula et al. 2000 20-30 km/s (inner penumbra),
4-16 km/s (outer penumbra)

NA

Alissandrakis et al. 1998 20-30 km/s (inner penumbra),
10-16 km/s (outer penumbra)

NA

Kobanov, N. I. and Makarchik,
D. V. 2004

45-60 km/s (umbra), 12-25 km/s
(penumbra)

NA

Löhner-Böttcher, J. and Bello
González, N. 2015

20-50 km/s (inner penumbra) 13 km/s
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